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Abstract

The low corona is a missing link in solar physics due to the weak signal

and lack of visible light spectrometers. We utilized a 3-channel spectrometer

centered on Fe X, XI, and XIV ion emission wavelengths during the total

solar eclipses in Rodeo and Neuquén, Argentina over 2 years. This thesis

describes the instrument, data calibration, analysis and results of that study.

In 2019, thermal broadening was consistent with 4 MK for Fe X and XI

lines, and 6 MK for Fe XIV line. The Doppler shift correspond to bulk plasma

motion ranging from -12 to +2.5 km s−1. These results are interpreted as

different density scale heights within isolated, isothermal flux tubes. These

measurements show bulk motions which are likely associated with the dom-

inant longitudinal orientation of the magnetic field at the streamer bases

within 0.4 solar radii (R⊙) of the limb.

In 2020, a coronal mass ejection (CME) perturbed the corona before to-

tality and provided a rare opportunity to study the effect. Line of sight

Doppler velocities were estimated at up to 50 kms−1 and thermal broaden-

ing was estimated at 15 MK for Fe XIV. Equatorial measurements showed

a consistent 6 MK for the lowest 0.5 R⊙ for all Fe ions. These results were

combined with Atmospheric Imaging Assembly onboard the Solar Dynamics

Observatory (SDO/AIA) and The Large Angle and Spectrometric Coron-

agraph (LASCO) data to generate a wire-frame model of the CME, with

estimated velocity at 700 kms−1 and CME width at 57.6°.
Improvements upon the Time-Normalized Optical Flow (TNOF) image

processing of SDO/AIA images successfully mapped a proxy magnetic field

similar to coronal loop structure from Solar Orbiter’s Extreme Ultraviolet

Imager (SOLO/EUI) at a different viewpoint during the quadrature between

xv
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the two spacecraft. We describe the synthetic testing methodology, show

results of a recent case study, and show different optical flow visualization

approaches.

This thesis describes the aforementioned projects as well as an overall

introduction to the Sun, and future research pathways.



Chapter 1

Introduction to the Sun

1.1 Introduction to the Sun

The simplest visible light observations of the Sun generally yield images of

a bland, featureless disk that lacks many dynamic features. Generally, it

can be described as a main sequence G class star. Yet, with more advanced

techniques, such as high spatial resolution imagery, or images generated from

non-visible light wavelength, the solar atmosphere reveals highly dynamic fea-

tures composed entirely of transient phenomena. The dynamics of sunspots,

granulation, spicules, coronal loops, and a wide variety of wave motions are

driven by the interactions of exceptionally hot gases and plasmas. Along

with these features, there also exist completely invisible, constantly evolv-

ing, ubiquitous magnetic fields and temperature variations due to processes

that are not fully understood as of this writing.

The observation of plasma dynamics within these features and their re-

lationship to underlying magnetic fields will be the focus of the research

presented hereafter. Through a greater understanding of the Sun’s magnetic

field evolution, the complex energy transport and mass flux from the solar

interior through to the extended solar atmosphere can begin to be dissemi-

nated.

1



2 CHAPTER 1. INTRODUCTION

Figure 1.1: Layers of the solar interior and atmosphere. Credit:
NASA/Goddard

1.2 Interior characteristics

The solar interior region, which defines units of solar radii, R⊙, extends to

6.957×105 km and contains an estimated 2×1030 kg of mass. Hydrogen and

Helium atoms compose 74% and 25%, respectively, of the overall bulk mass,

with the remaining 1% consisting of trace metals. Through development

of a branch of astrophysics known as helioseismology, the Sun is estimated

to have three functionally distinct layers, shown in Figure 1.1, that emerge

due to differences in temperature and density. The thickness of each interior

layers is governed by hydrostatic equilibrium against gravity and should be

considered only near equilibrium for observational purposes, as opposed to

being in perfect equilibrium as theory typically dictates (Haubold & Mathai,

1995).
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1.2.1 Core

The deepest layer is the inner ≈0.2 solar radii, known as the core, where

consensus is that the estimated temperature is ≈1.5 × 107 K and density

is ≈1.5 × 107 kgm−3. These conditions are sufficient for the thermonuclear

fusion process called “proton-proton fusion,” where four hydrogen atoms are

converted into one helium atom. During fusion, a small amount of mass

is lost in each conversion and the overall byproduct is ≈4 × 1026 joules of

radiative energy per second (Bethe, 1939). The pressure from the immense

abundance of outgoing gamma ray photons resists gravitational collapse and

is the base cause of all interactions above it. Yet, while all of the energy

production and 34% of the bulk mass occurs within the core, the dynamics

are the least well understood because accurate measurements of flows are

beyond the reach of current technology. Although, it is not unreasonable

to assume some motion as local areas volumetrically expand and contract

when the fusion rate, and gravitational re-adjustment, compensate for minor

variations (Thomson et al., 1995).

1.2.2 Radiative zone

The interior layer that sits directly above the core and extends to ≈0.7 solar

radii is known as the radiative zone. Named after the energy transfer that

dominates within the layer, radiative diffusion, atoms are so closely packed

that the gamma ray photons from the core may only travel a short distance

before encountering an atom and being absorbed. The gamma ray photons’

energy temporarily ionizes, excites the electronic energy state, and heats

atoms up to ≈7 × 106 K until recombination, emission, and cooling down

to ≈2 × 106 K take place. While each of these interactions conserves the

overall energy from the initial gamma rays from the core, these short wave-

length photons are gradually broken down into a greater number of longer

wavelength visible light photons that we eventually see at Earth (Compton,

1923). The sheer number of interactions that occur within the radiative zone

mean that despite the speed of light, a given parcel of energy produced in

the core typically takes upwards 100,000 years to reach the surface.
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The radiative zone is considered dynamically stable, acting as a solid

body, in spite of small perturbations occurring from the aforementioned grav-

itational re-adjustments in the core along with other perturbations within the

layer itself. The reason that these perturbations can be safely ignored, via

theory, is that the Schwarzchild and Ledoux criteria for stability against con-

vection are fulfilled. In summary, the temperature gradient of the radiative

zone is low enough to compensate for the core’s photon energy (and rea-

sonable local fluctuations) without the growth of small temperature pertur-

bations into macroscopic instabilities, as occurs in convection (Eddington,

1926). Thus, 48% of the Sun’s mass, and likely the core as well, may be

dynamically treated as a solid body that rotates uniformly.

1.2.3 Tachocline

At nearly 0.7 solar radii, a thin interface known as the tachocline is where

the temperature gradient of the solar interior decreases, along with the bulk

density, causing radiative diffusion to cease being the most efficient type of

energy transport. Small perturbations as opaque parcels of gas are lofted

by radiative energy below grow into macroscopic instabilities in the form of

convective and fluid flow. This distinct change in dynamics means that the

layers above and below the tachocline shear strongly between the uniform and

non-uniform rotating layers. Since the temperature at the tachocline is high

enough for large scale ionization of atoms, it has been proposed that shearing

electrically conductible fluid within the tachocline results in the conversion

of kinetic energy into magnetic energy as a large scale dynamo. While not

fully agreed upon (Brandenburg, 2005), this dynamo is thought to amplify

the poloidal magnetic field at the tachocline via Lenz’s law, where conductive

fluid motion near a magnetic field induces an electric current that enhances

the magnetic field in the opposite direction, and produce a much stronger

toroidal magnetic field component. The result of this continual interaction is

thought to be global magnetic field, which defines the solar cycle of activity

mentioned later in this thesis (Spiegel & Weiss, 1980).
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1.2.4 Convective zone

The outermost interior layer, extending from 0.7 solar radii up to the visibly

opaque surface, is the convective zone. At this layer, the temperature gradient

is high and energy transport is dominated by convection, a far more efficient

process than radiative diffusion. The rapid loss of heat drastically decreases

the temperature from 2×106 K at the bottom of the convective zone over 2.5

orders of magnitude down to 6× 103 K at the top. Additionally, the overall

decreased density of this layer allows kinetic fluid flows to be readily driven

by a variety of advective, rotational, and magnetic processes (Schwarzschild,

1906).

The characteristic flow within the convective zone is when “blobs” of solar

material are heated from below, density decreases, and these blobs rise toward

the surface in relatively narrow upflow channels. Once at the surface, the

blobs cool, density increases, and they spread away from the upflow channel

before sinking back down to complete a convective cell. The best evidence

for convective flow is seen in the granulation pattern displayed at the top of

the layer, where the bright upflows spread away and sink as dark downflows

over timescales of several minutes. Individual granules typically display as a

bright central upflow surrounded by darker downflow at the edges. Larger

scale convective flows are also observed as supergranules, composed of entire

regions of granules, with lifetimes of several hours (Hart, 1956; Simon &

Leighton, 1964).

Additionally, rotational flow within the convective zone varies, as the

equator rotates nearly 50% faster than the poles, in general opposition to

the conservation of angular momentum. To account for this differential ro-

tation discrepancy, rapid rotation at the equator is maintained via Reynolds

stress, a turbulent exchange of momentum from non-axisymmetry cellular

flow near the surface. The pattern of flow is observed in large scale groups

of supergranules moving together over many months by examining Doppler

shift data in the Solar Dynamics Observatory’s Helioseismic and Magnetic

Imager (HMI/SDO) instrument (Scherrer et al., 2011). A distinct, observed

“v-shape” is maintained over many months as momentum is transferred to-
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Figure 1.2: A nine month sequence of longitudinal velocity maps showing
long-lived giant cells from Hathaway et al. (2013). Each map extends from
the south pole (bottom) to the north pole (top) with a full 360° of longitude
from left to right. Blue indicates slow longitudinal velocity while red indicates
fast longitudinal velocity. Features at high latitudes drift to the left from
one month to the next due to the slower than average rotation rate at those
latitudes.

ward the equator, where synodic rotation occurs every ≈24 days, and away

from the poles, where rotation occurs every ≈37 days, as giant cells are

sheared near the surface (Hathaway et al., 2013).

Doppler shift and helioseismic measurements have also revealed merid-

ional flow trends in a less uniform fashion. Figure 1.2 generally suggests

low-latitude flow toward the pole with high latitude flow pointing toward

the equator, both of which vary throughout a solar cycle. Although, there is

conflicting evidence of both a correlation with magnetic activity and a lack

thereof. Presently, this is an area of active research in both observational

and theoretical terms (Miesch, 2005). The implication that arises from un-

derstanding meridional flow would be a far clearer understanding of the origin

of magnetic effects on the solar surface and atmosphere.

Combining the convective flows, differential rotation, meridional flows,

and likely turbulence and shearing paints a complicated picture of subsurface

conductive hydrodynamic activity, many unknown conditions, which seems

capable of generating smaller scale magnetic fields which are observed pierc-

ing the surface. Largely unobservable at inside the convective zone, laying



1.2. INTERIOR CHARACTERISTICS 7

Figure 1.3: Schematic of solar dynamo processes from Dikpati & Gilman
(2007). Orange inner sphere represents the radiative zone and blue mesh is
the solar surface. In between is the solar convection zone where the dynamo
exists. (a) Initial shearing distorts poloidal magnetic field lines, then (b)
toroidal magnetic field is generated, and (c) later the toroidal field is rises
above the solar surface.

only in the realm of helioseismic measurements, most modern solar physi-

cists must apply empirical models based upon surface activity to infer the

dynamics below. So far, nearly all current models stem from the proposals

set forth by Babcock (1961) and Leighton (1969). These combined proposals

have led to the development of an empirical model that qualitatively explains

the observed features at the visible surface.

Figure 1.3 illustrates the a well developed model from Dikpati & Gilman

(2007), which suggests that (a) the poloidal magnetic field is sheared at the

bottom of the convective zone via the aforementioned differential rotation

effect. The result of this shearing of a conductive fluid near a magnetic field

is (b) a toroidal magnetic field that gradually grows over time as differential

rotation continues to distort the poloidal magnetic field. Eventually, (c) the

toroidal field grows strong enough to create buoyant loops that rise and twist

due to Reynolds stress at different depths. Once at the surface, these twisted

fields generate a suite of observed atmospheric features covered later in this

thesis.

While appearing to provide a neat picture of the dynamo to surface re-

lationship, empirical models based upon Babcock & Leighton have a wealth

of discrepancies with observed features such as giant cells, meridional flow,

long-term solar cycle minimums, and theory that suggests remnant magnetic
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fields in the core or radiative zone (Rabin et al., 1991). Alternative schematics

from Snodgrass (1987); Wilson (1987); Uchida et al. (1996) have attempted

to explain the same observed phenomena, none of which are clearly supe-

rior to the flawed standard interpretation. Thus, observations of features in

the solar atmosphere discussed in this thesis will be understood within the

context of interior dynamo models which have stemmed from Babcock &

Leighton.

1.3 Solar atmospheric characteristics

While the solar interior region is opaque to light generated within the core,

the solar atmosphere is defined as the elevation at which photons begin to

radiate directly into space. The three atmospheric layers are structurally

separated by temperature variances of thousands to millions Kelvin and, due

to ionization rates of the atoms they are composed of, respond in distinct

ways to the underlying magnetic fields (Priest, 2009).

1.3.1 Photosphere

The uppermost and least opaque portion of the convective zone is considered

to be the lowest atmospheric layer, known as the photosphere, named after

the visible light that emerges from the spherical surface of the Sun. The

thickness of the photosphere is exceptionally thin, roughly 100 km of opti-

cally thin gas and plasma at a density of ≈10−4kgm−3, compared to all other

layers of the Sun and yet is most easily studied since it emits the vast major-

ity of the solar radiation in visible light, near-infrared, and near-ultraviolet

wavelengths. Considered as the Sun’s visible “surface” layer, the photosphere

displays continually changing temperature features, centered around ≈5800

K, as hot convective upflows, and cool convective downflows churn through-

out (Priest, 2009).

The ubiquitous feature across the photosphere are granules, as discussed

in section 1.2.4. Given that the photosphere lies at the intersection of the

coolest layer of the Sun and strong toroidal magnetic fields, it is important
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Figure 1.4: The ratio of plasma beta and height above the photosphere from
Bourdin (2017). The blue solid line is the mean value for the active region
core area. The yellow dashed line represents the complement to the AR
core, which includes some quiet Sun and area surrounding the AR core. The
dotted lines indicate the minimum and maximum values within each height
layer. The black data plots mean value across the solar disk.



10 CHAPTER 1. INTRODUCTION

to understand what the nature of granule dynamics is dominated by. If the

plasma beta, β, which is the ratio between thermal pressure, Pthermal, and

magnetic pressure, Pmagnetic, is examined:

β =
Pthermal

Pmagnetic

= 2µ0cp
γ − 1

γ

ρT

B2
(1.1)

where the magnetic permeability, µ0, the specific heat capacity at constant

pressure, cp, the adiabatic index, γ, the plasma density, ρ, the temperature,

T, and the magnetic flux density, B, are accounted for, then a determina-

tion can be made about the observed bulk plasma motion of granules. With

photospheric parameters set in place, the β for the photosphere both the

strongest magnetic active regions and weak quiet Sun are well above 1 ac-

cording to recent 3D magnetohydrodynamic (MHD) models shown in Figure

1.4. β above 1 indicate that thermal pressure dominates, β below 1 indicates

magnetic pressure dominates, and β near 1 suggest that both are factors.

Thus, given the large β of the photosphere calculated by Formula 1.1, it is

safe to assume that granulation and supergranulation are thermodynamically

driven.

While the majority of the photosphere fits this criteria, there are regions

with much cooler flows, different local compositions, much stronger magnetic

fields and other extreme spatial & temporal variations. The most notable

variation that stands out from the norm are sunspots, which appear at the

solar surface and are easily visible to the naked eye with simple brightness

filters. The origin of these dark, cool, strong magnetic features ties back to

the dynamo model described earlier.

Figure 1.5 illustrates further evolution of strong toroidal magnetic field

loops of buoyant material (d) pierce the surface at two points intersecting

with the photosphere. No longer confined below the surface, flux tubes of

ionized gas & plasma along these magnetic field loops (e) expand above the

surface in latitude and longitude and begin to disperse. Closed-loop magnetic

fields have a positive and negative polarity, and given that high temperatures

ionize atoms, material flow along these flux tubes tends to go from the pos-

itive to the negative end. With typical magnetic field strengths thousands
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Figure 1.5: Schematic of solar dynamo processes from Dikpati & Gilman
(2007), continued from Figure 1.3, after (d) red toroidal field loops have
risen through the surface at two exit points. (e) The buoyant toroidal loops,
at the bottom, expand upward above the surface, at the top, and (f) twist
due to differential roration effects.

of times stronger than surrounding granulation, which are normally domi-

nated by thermodynamics, the plasma beta within sunspots is far below 1

and, thus, dominated by magnetism. With no regard for thermodynamic

motion, material flow along the flux tubes do not move hot or cold “blobs”

along convective cells, and this material begins to simply radiate heat away

at the surface. Compared to the surrounding granulation, typical sunspots

are observed to be ≈5 times dimmer, appearing as dark spots on the surface,

and temperatures ≈2000 K lower due to heat loss (Priest, 2009).

While large sunspots are visible to the naked eye with a solar brightness

filter, or via projection, small sunspots require modest magnification to re-

liably observe. In 1609, Galileo Galilei heard a description of the spyglass

and vastly improved the design to develop the telescope, he became the first

to observe and publish records of sunspots in his letters on sunspots, titled

Tres Epistolae de Maculis Solaribus Scriptae ad Marcum Welserum. Since

then, astronomers have diligently recorded the abundance and evolution of

sunspots as they move across the solar disk and noticed spatial patterns and

a cyclical nature of their emergence.

Figure 1.6 displays how the long term cycle of solar magnetic phenom-

ena has been recorded via daily counting of sunspots on the solar disk for

the over 300 years, although the current standard method of international



12 CHAPTER 1. INTRODUCTION

Figure 1.6: International sunspot number, smoothed over 13-months, into a
yearly mean. The accepted numbering scheme began collecting data in 1749
and solar cycle 1 began in 1755. Solar cycle 25 is estimated to begin in late
2019. Credit: Royal Observatory of Belgium/SILSO graphics

sunspot counting began with the first complete solar cycle in 1755. This led

to the discovery of a repeating pattern in the solar cycle, with the amplitude

of sunspot activity varying greatly throughout. The length of each cycle is

quasi-periodic, going from maximum activity to minimum then back to max-

imum over the course of roughly 11 years. During periods of high sunspot

abundance, the entire solar atmosphere becomes excited with magnetic flux

by a factor of ≈2 overall and much higher in discrete areas. Additionally,

many electromagnetic radiation mechanisms are coupled to the dissipation

of magnetic energy and plasma heating, so the output of non-visible light

wavelengths (e.g., x-rays, ultraviolet, radio) tends to scale up or down with

the cycle maximums or minimums, respectively. The implication is that

so-called active regions, discussed later in this thesis, of non-visible light are

more likely to occur emerge during solar maximum periods, and the increased

magnetic energy affects the atmospheric layers above (Aschwanden, 2005).

In addition to the sunspot cycle of activity, the buildup and subsequent

magnetic reversals of the global magnetic field occurs every ≈22 years, with

the exact timing dependent on the scale of polar area measured. The overall

distribution of polar field strength is performed in Figure 1.7 by averaging

the magnetic flux density over a range of latitudes (>55°, >70°, >85°), which
exhibits how the reversal is does not occur uniformly throughout the Sun.
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Figure 1.7: Polar field reversals from Upton & Hathaway (2013). The cor-
rected north (solid) and south (dashed) polar field strength reversals are
shown for three different definitions of polar area: >55° in black, >70° in
blue, and >85° in red. The timing of the reversal depends greatly on which
polar area is used, with ≈1 year between the 55° and 85° reversal. This is
consistent with the notion of new polarity flux spiraling in and canceling the
old polarity flux residing in the polar cap.

Surface flux transport models attempt to resolve the problem via conversion

of toroidal magnetic field into a reversed poloidal magnetic field. This works

by assuming magnetic flux emerges in active regions with a tilt and is then

shredded off into the surrounding plasma. The result of this mechanism is

that low latitude polarity flux is canceled across the equatorial region and

surface flows transport high latitude polarity flux toward the poles. This

method of simulation accounts for the cascading decrease in flux from the

equator to the poles and provides a reason for reversal as new poloidal fields

are created with opposite polarity (Upton & Hathaway, 2013).

1.3.2 Chromosphere

The chromosphere is the atmospheric layer directly above the photosphere

that extends ≈2 Mm outward. The nomenclature originates from red color,

seen with the naked eye, that appears just before & after a total solar eclipse,

the chromosphere is dominated in visible light by emissions at 656.3 nm
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and is the reason for the perceived red hue. This particular wavelength

corresponds with the electronic transition of hydrogen atoms from the 2nd to

3rd electronic energy level, dubbed the “Hα-line”. Since solar eclipses are rare

and fleeting, astronomers typically observe the chromosphere with telescopes

tuned to filter out all light, except for the Hα-line. The temperature at the

bottom of the chromosphere starts at ≈6000 K, then decreases with height &

density, as is thermodynamically expected, to ≈4300 K, before beginning to

rise up to 25000 K at its top at roughly 2000 km. The nature of this heating

is typically explained as warming from the layer(s) above (Priest, 2009).

At temperatures in this range, the atoms in chromosphere may not be

fully ionized which leads to 2 functional models for describing the dynamics:

the non-magnetic and magnetic chromosphere. The non-magnetic chromo-

sphere is essentially the thermodynamically driven component of this atmo-

spheric layer that originates from acoustic waves emerging from the pho-

tosphere. These wave develop into shock waves as they move upward and

dissipate their energy to provide some heating. Models suggests that tem-

perature does not significantly vary in height and that the non-magnetic

chromosphere does not play a significant role in the dynamics of the atmo-

sphere overall (Priest, 2009). Since the features this research focuses on are

magnetically driven, the non-magnetic chromosphere will not be discussed

further.

The magnetic chromosphere is the magnetically driven component of this

atmospheric layer that displays a complex network of features filled with

fine-scale flows, inhomogeneity and wave motions seemingly related to the

magnetic from the convective zone below. The most common feature are

spicules: long, thin plasma jets that appear and disappear minutes later.

Type II spicules are near-ubiquitous, reaching speeds of 30 to 150 kms−1,

persist up to ≈3 minutes, and stretch anywhere from 2 to 10 Mm out of the

chromosphere. Regardless of the sunspot activity below, it’s estimated that

approximately 100,000 of these features are constantly on display along the

solar limb and far more on the solar disk. Each of which may perform rapid

swaying dynamics and appear to be heated anywhere from 65,000 K up to 1

MK, providing a possible mechanism for warming the atmosphere above, as
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they disappear with increasing height (Priest, 2009).

Type I spicules are observed mostly in active regions, typically mixed

in amongst the Type II variety, although not always limited to these areas.

They often appear to be ejected from supergranulation boundaries at speeds

of 10 to 50 kms−1, persist for ≈3 to 10 minutes, and stretch 3 to 4 Mm out of

the chromosphere. They are regularly associated with strong magnetic field

lines, tracing parabolic paths upward, or downward into the chromosphere,

much more characteristic of magnetic fields than gravity (Priest, 2009).

Macrospicules are long jets of plasma mostly found in the polar regions

of the sun, where open magnetic field lines are common. While they move at

speeds similar to type II spicules, they extend up to 40 Mm and may persist

up to ≈45 minutes. This style of spicule is far less common, and given its

relatively large size, easier to discern that the paths trace long open magnetic

field lines and non-ballistic (Priest, 2009).

1.3.3 Transition region

While not generally referred to as an atmospheric layer on its own, the tran-

sition region is a thin, irregular layer that separates the ≈104 K temperature

of the chromosphere from the ≈106 temperatures above. This drastic rise in

temperature fully ionizes hydrogen, making Hα-line observations impossible,

and astronomers must rely on ultraviolet light from ion species of carbon,

oxygen, etc. as shown in Figure 1.8. While it only represents a small por-

tion of the overall solar atmosphere, it is a unique and ideal place to observe

small-scale heating in action, small-scale sources of the solar wind, and signa-

tures of wave heating of the atmosphere above. The reason for such dynamic

activity can be inferred from the observed differential emission measure of

ion species which indicates a steep temperature gradient over a small height

of ≈100 km which is strongly non-uniformly distributed (Cook & Brueckner,

1991).

The transition region is generally understood to be the transition from

the collisional and partially ionized chromosphere to the collisionless and

fully ionized corona. Although, it is important to note that the β is smaller
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Figure 1.8: The temperature as a function of height above the solar atmo-
spheric layers, adapted from Cook & Brueckner (1991). Several spectral
emission lines are plotted on the curve based on their formation tempera-
tures.
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than 1, so magnetic pressure firmly dominates the overall behavior and pro-

vides evidence that the network structure observed throughout is magnetic

in nature. Thus, the transition region above sunspot activity is likely thicker

compared to the areas above quiet regions (Tian, 2017).

Observations with the The Interface Region Imaging Spectrograph (IRIS)

(Pontieu et al., 2014) and Atmospheric Imaging Assembly (SDO/AIA) (Lemen

et al., 2011a) onboard the Solar Dynamics Observatory (SDO) (Pesnell et al.,

2011) spacecraft in Figure 1.9 show that network “lanes” stretch farther in

the transition region compared to lower layers, suggesting that these are con-

ductive fluid motions occurring along an expanding magnetic field from its

sunspot footprint in the photosphere. Downflow speeds within these lanes

may exceed the speed of sound near sunspots, traveling in bursts of up to

≈200 kms−1 in several emission lines. The idea is that plasma from above

is attracted to strong magnetic field lines faster than gravitational accelera-

tion. It then condenses as “coronal rain” that falls into sunspots. Although,

not all field lines must form loops, instead the network is also composed

of magnetic field lines open to the heliosphere which funnel material out of

the solar atmosphere as the “solar wind” and form the base of the overlying

atmospheric layer (Tian, 2017).

1.3.4 Corona

The corona is an exceptionally hot layer of plasma with low density, ≈10−12

compared to the photosphere, and approaches temperatures found within

the interior. These abnormally high temperatures, exceeding 106 K with no

clear mechanism for heating, is perhaps the primary unresolved observation

in solar physics, dubbed “the coronal heating problem.” Given that β is

very low in the corona, the suspected sources of heating are thought to be

a combination of magnetic reconnection, Type II spicules, and/or Alfvénic

wave dissipation continually depositing energy into the far reaches of the

atmosphere (Klimchuk, 2006).

The extent of the coronal plasma layer is also immense with no true

upper boundary. Figure 1.10 illustrates how open magnetic field lines often
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Figure 1.9: IRIS slit-jaw images of a sunspot region in the photosphere (2832
Å), chromosphere (2796 Å), transition region (1400 Å) and lower corona
(SDO/AIA 171 Å) (Tian, 2017).
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Figure 1.10: Conceptual illustration (not to scale) showing the Sun’s corona
and solar wind. Credit: NASA/Goddard/Lisa Poje

carry plasma beyond the orbit of the Earth in the form of the solar wind.

Although, for the purposes of this thesis, the corona will be limited to the first

several solar radii above the photosphere. The corona is observable in light

originating from three different sources: the first is absorption light scattered

off of free electrons within the plasma and forming a continuous pattern

due to Doppler broadening, the second is also absorption light reflected off

interplanetary dust and maintains their signature Fraunhofer lines, and the

third is emission light from metals such as iron that have lost up to 15 of their

electrons. The corona is therefore emitting thermally in the X-ray range of

the spectrum and is directly observable with the greatest detail in soft X-ray

or extreme ultraviolet (EUV) light. Despite multiple origins of light, the

corona is difficult to observe since it produces ≈10−6 as much light as the

photosphere, so it is only observed from the ground during total solar eclipses

or with space telescopes tuned to short wavelengths (Priest, 2009).

The structure of the can be broken into three broad behavioral regions

that describe the relative magnetic activity within the latent plasma: coronal

holes, active regions, and the quiet Sun.
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Figure 1.11: Active region 10808 image from TRACE (Handy et al., 1999).
After a flare eruption, large magnetic loops rise high in the corona. Also,
small bright loops are low over the polarity inversion line of the region.

Active regions

As alluded to earlier, active regions are located in areas of strong magnetic

field concentrations, typically seen as sunspots in the photosphere, which are

heavily studied despite being only a small component of the overall corona.

The reason for such interest lies in not only the relative brightness of these

regions, but also due to the bipolar nature of sunspots as well as a possible

relationship to coronal heating. The leading polarity of sunspots tends to be

concentrated into a small area, while the trailing polarity is fragmented across

a wider area, with the result being an abundance of MHD processes that arise

from the complexity and evolve outwardly into the corona (Aschwanden,

2005).

The most prevalent feature in active regions are coronal loops, shown

in Figure 1.11, that bridge the leading and trailing polarities of sunspots,

created when plasma is heated and thrust upward as a magnetic upflow

from the chromosphere. The concentration of plasma along these magnetic

field lines means that they are both denser and brighter than the ambient

atmosphere, making them prime targets for research (Aschwanden, 2005).

While their visibility and structure are apparent, the strength of the mag-
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Figure 1.12: SDO/AIA composite of 171 Å, 193 Å, and 211 Å images. In
all three EUV channels, dark coronal holes are located at the poles. Credit:
NASA/Goddard

netic field lines that govern their activity cannot be directly measured. Thus,

the most common approach is to use a combination of direct magnetic field

strength measurements from HMI/SDO at the footprint of these loops and

simulate a reconstruction to make an estimate of strength throughout the

loop itself. Recent research suggests that the exact location of the magnetic

footprint with respect to the sunspot influences brightness within the loops

can enhance coronal heating (Tiwari et al., 2017).

Coronal holes

Typically, the polar regions, where toroidal magnetic fields are weak are

dominated by open poloidal magnetic field lines that act as streamlines where
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plasma from the corona outflows to the rest of the solar system as the solar

wind.

Coronal holes regions, where the corona emits less EUV and X-ray light,

appear as dark regions since heated plasma is notably missing in these areas.

Figure 1.12 captures coronal holes during a solar cycle minimum and show

that they are not limited to only the polar regions During periods of the solar

minimum, they can persist for several years as one of the longest-lived solar

features. During periods of the solar cycle maximum, they can be completely

absent or persist for only a few months near complex active regions. The

boundaries of coronal holes respond to the global magnetic field, which can

make some coronal holes rotate more like a solid body than differentially

(Priest, 2009).

Compositionally, coronal holes appear similar to photospheric abundances,

meaning that ionization is low, whereas the corona above active regions show

a comparatively significant ion fraction. The collisionless nature of the corona

means that each ion species has parameters independent of others, for ex-

ample the kinetic temperature of electrons is only 0.8 MK, but heavier O+5

ions may be nearly 200 times warmer. This also means that the outflow

speed varies between various species, so heavy O+5 ions move twice as fast

as protons at 2 solar radii, although nearly all above coronal holes are not

in hydrostatic equilibrium and do not inflow. The ≈2000 ions present in

the corona make it possible to create detailed differential emission models

(DEM) of temperature and solar wind flow throughout the solar system, but

only a dozen or so ions are typically measured due to instrument limitations

(Priest, 2009).

Quiet Sun

Due to a historical lack of observational resolution, the quiet Sun was named

as the region originally thought to be devoid of any distinguishable features.

Although, with improvements in instrumentation, it is clear that this name

does not fit the great number of small-scale and diffuse features taking place

within the quiet Sun. In a more modern definition, it can best be described
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Figure 1.13: Potential field reconstruction from Sunrise/IMaX data (Pillet
et al., 2010). (a) Random selection of 2% of magnetic loops. (b) Loop
statistics for all resolved loops. The solid histogram-style line corresponds to
a potential field, and the dotted and dashed lines to a linear force-free model.
(c) Scatter plot of loop height vs. leading footpoint vertical field.

as all closed magnetic field regions which are not considered active regions.

Under this definition, the quiet Sun is the standard state of the solar atmo-

sphere throughout all portions of the solar cycle (Aschwanden, 2005).

The contribution of the quiet Sun toward coronal heating is still an active

area of research, but there are indications that coronal DEM is dominated by

quiet Sun activity and active regions are more responsible for shorter term

variations rather than maintaining a high coronal temperature (Morgan &

Taroyan, 2017). It is this piece of evidence that has motivated the research

that will be outlined later in this thesis, as dynamics in the quiet Sun have

not been mapped in great detail due to relatively weak signals amongst in-

strumental noise (Rubio & Suárez, 2019).

Quiet Sun magnetic fields seem be closely connected to supergranulation,

Figure 1.13 shows a reconstruction of how they form a dense network struc-

ture of sub-kilogauss strength fields that roughly outline supergranulation

boundaries. Additionally, an internetwork of smaller-scale flux concentra-

tions exists in the region between them and while half appear to be closed

loops within the photosphere, the other half reach chromospheric and coronal

heights (Wiegelmann et al., 2010). Despite the timescale for these small-scale

loops being typically under 10 minutes, these short-lived fields occur in great

enough abundance to match the total flux of active regions (≈1023 Mx) dur-

ing a solar maximum (Rubio & Suárez, 2019).
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Figure 1.14: Compilation of electron density measurements from the photo-
sphere to 0.8 solar radii in coronal holes (left), quiet Sun regions (middle),
and in active regions (right) adapted from Aschwanden & Acton (2001). At
any given height, the electron density varies 1-2 orders of magnitude over the
entire corona.

Coronal parameters

Within the corona, density variations are commonplace even within the same

behavioral region. Coronal densities were first estimated from white light

data, then radio burst propagation, but it is most common today to use

DEM of the column density along a line of sight for optically thin radiation.

The benefit of this method is that different emission lines, thus different ion

species, can be independently measured and provide detailed information

about the plasma structure (up to instrument resolution limits).

As shown in Figure 1.14, in coronal holes the electron density is generally

small at all heights, active regions contain the greatest electron density at

all heights, and the quiet Sun’s electron density is intermediate. Although,

one key similarity across all three regions is that when approaching 1 solar

radius, density is ≈100 times lower.

The high temperature of the corona is known due to the plasma radia-

tion emitted in so-called “forbidden lines” where atoms, such as iron, lose a

significant portion of their electrons and exist in a metastable state. Figure

1.15 shows that these states are only possible in temperatures in the range of

106 K, with the typical trend that the higher the ion number of a particular

atom the higher the equilibrium temperature at peak ion fraction within the
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Figure 1.15: Ion fraction as a function of electron temperature, from Hab-
bal et al. (2009), for Fe lines, calculated assuming ionization equilibrium.
Measurements of fast solar wind, coronal holes, and quiet Sun all suggest
temperatures near 106 K.

plasma (Habbal et al., 2009). Due to the highly ionized nature of the plasma,

the temperature structure is strongly dependent on how the magnetic fields

interact with matter in the corona.

Shown in Figure 1.16, using Fe XI (red) and Fe XIV (green) as represen-

tative ions for 1.16×106 K and 1.82×106 K, respectively, coronal holes with

open field lines correspond with cooler coronal temperatures and the com-

plex equatorial region is noticeably warmer. Local ion density enhancements

coincide with electron temperature estimates and provide a useful measure

during solar eclipses, assuming spectra of enough ion species are available,

for mapping the relationship between magnetic fields, plasma density, and

temperature. Unfortunately, at present, the most detailed maps are possible

only during total solar eclipses, since space-based corona graphs have not yet

reached this level of clarity (Habbal et al., 2009).

Thus, the corona has proven to be a dynamic and inhomogeneous part

of the solar atmosphere, and variations from photospheric abundances in the

chemical composition have been observed throughout total solar eclipses and
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Figure 1.16: Composite of 287 images from the 2017 total solar eclipse com-
prised of imaging Fe XI (red) emission, Fe XIV (green) emission, and con-
tinuum (gray). Image courtesy of Miloslav Druckmüller.
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Figure 1.17: Plasma β as a function of height is shown shaded for open and
closed field lines. Data indicate that β is well below unity throughout most
of the corona. (Gary, 2001)

with space telescope observations. The likely reasoning is that elements with

low first ionization potential have enhanced abundances in the chromosphere,

where the most drastic temperature change is located, and then this material

passes on into the corona. For certain ion species, such as iron, the enhance-

ment factor can be up to 10 times greater than expected compared to others

within the plasma. Although, it is currently not possible to determine if this

is truly an enhancement of iron, or a depletion of other ions, as hydrogen is

fully ionized (Aschwanden, 2005).

As mentioned previously, the β of the corona is <1, especially within the

first solar radii as displayed in Figure 1.17. Although, there are situations

where thermodynamic pressure may allow plasma to diffuse away from mag-

netic fields, such as in the hot cusps above streamers where magnetic field

strength is low. So while it is most common for behavior of solar plasma
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to adhere to magnetic pressures, as described in the next section, thermo-

dynamics should not be fully discounted when mapping the various plasma

velocities and structures in the corona as inhomogeneity can create high vari-

ation in local parameters. Magnetic field modeling derived from photospheric

extrapolations may miss a significant portion of the total magnetic energy.

This issue arises from not being able to quantify the upper boundary con-

ditions of the magnetic field. Thus, care should be taken when modeling

coronal plasmas to ensure that appropriate boundary conditions align with

the selected fluid vs. magnetic flow regime, otherwise they should only be

considered as a first-order approximation of plasma dynamics, at best (Gary,

2001).

1.4 Space plasmas

Plasma is a state of matter composed of ionized particles that are dynami-

cally dominated by magnetic and electric effects. Despite the relative lack of

plasma at the surface of the Earth, it is often said that 99% of the ordinary

matter in the universe are in an ionized state. In the context of the solar

atmosphere, positively charged ions are typically individual hydrogen or he-

lium nuclei along with other ionized atoms. Species heavier than helium are

named metals. Negatively charged ions are free electrons (Chen, 2016).

1.4.1 Space plasma criteria

Within a plasma, the particles’ kinetic energy must be significantly larger

than the electric potential energy of its nearby neighboring particles. This

causes the behavior to be free from the magnetic influence of other local

particles, allowing them to act individually in response to larger magnetic

field perturbations.

The greater occurrence of plasma compared to neutral gas in the space

environment compared to our earthly environment can be explained by the

Saha equation. It displays the number density of ionized atoms, ni, compared

to the density of neutral atoms, nn, expected in a gas in thermal equilibrium:
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ni

nn

≈ 2.4× 1021
T

3
2

ni

e
−Ui
kBT (1.2)

where T is the gas temperature, Ui is the ionization energy, and kB is Boltz-

mann’s constant. At low temperatures of tens to hundreds of Kelvin, the

component e
−Ui
kT is exceptionally small and tends to predict nearly zero ion-

ized atoms. Whereas, if the gas is composed of hydrogen, with an ionization

energy of 2.18 x 10-18 J, then it becomes apparent that when the temperature

reaches ≈104 K the component e
−Ui
kT grows rapidly and effectively predicts

that all atoms are ionized. Thus, it is safe to assume that gases in the entire

solar atmosphere above the very coolest low chromosphere, and outside of

prominences, are in a fully ionized plasma state since the ambient thermal

energy is analogous to the required kinetic energy for free particle behavior

(Chen, 2016).

Besides a high ambient temperature, three other fundamental criteria

must exist for a plasma to adhere to the basic mathematics described in

space plasma physics.

Debye shielding

The first criterion is that, when stationary, a parcel of plasma can be consid-

ered neutral at large spatial scales, while at small spatial scales the charges

of individual particles must be considered. This requires a similar temper-

ature throughout, an equal number of positive and negative charges, and a

sufficiently high number of ionized particles within the parcel. Within the

volume of the parcel of plasma, uneven electric field gradients and thermal

particle velocities will exist in nature, but from large spatial scales it can be

considered as “quasineutral” (Chen, 2016).

The term “quasineutral” indicates a fundamental characteristic where

electromagnetic potential differences in a large physical system of plasma

may be shielded. This occurs when an applied positive or negative electric

potential is quickly surrounded by ionized particles of the opposite charge.

In either case, it is the negatively charged electrons that dynamically move

towards or away since their smaller mass allows them to move much more
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readily than their larger positively charged counterparts. The strength of the

applied potential ϕD at which electrons will respond depends on the distance

away from the central charge, r, and the characteristic quantity that provides

a measure of the shielding distance, λD, in the following:

ϕD =
q

4πϵ0r
e

−r
λD (1.3)

where q is the central charge and ϵ0 is the free space permittivity. The

component e
−r
λD begins to rapidly reduce the potential at distances where r

exceeds λD, creating a sheath of charged particles masking the central charge

(Chen, 2016).

The characteristic quantity, λD, is known as the Debye length and is

effectively the distance where a balance between thermal particle energy and

the electrostatic potential energy occurs. The Debye length is thus a function

of the electron temperature, Te, and number density of electrons, ne, and

electron charge:

λD =
ϵ0kBTe

neq2e

1
2

(1.4)

In order for a parcel of plasma to act quasineutral, the spatial scale of the

system must be significantly larger than the Debye length to be beyond the

distance of shielding. This means that the dynamics of a plasma are typically

described by the collective behavior of the system as a whole as opposed to

individual ionized particles (Chen, 2016).

Within the solar atmosphere, the Debye length increases with elevation

starting from ≈10-2 m in the low corona up to 102 m within the solar wind.

Consequently, theory indicates that in the solar corona, the minimum spatial

scale that will ensure that charged single-particle effects are shielded from

neighboring particles is quite small in comparison to the size of the solar

wind, which spans many solar radii, depending on choice of scale. Although,

this is not always the case, as temporal concentrations in electron density

will lead to a reduction of the Debye length during eruptive coronal mass

ejection (CME) events. So, the choice of scale during a given timeframe is
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important when deciding whether to examine small scale dynamics where

Debye shielding is not valid, or larger scale dynamics where quasineutrality

can be assumed (Baumjohann & Treumann, 2012).

Plasma parameter

The second criterion reinforces that the Debye shielding should only be con-

sidered statistically valid if there are enough particles within a parcel of

plasma expressed as a sphere, 4π
3
neλ

3
D. The required threshold of parti-

cles, known as the plasma parameter, Λ, occurs when the number density of

electrons within a radius times the cubic Debye length greatly exceeds 1 as

follows:

Λ =
4π

3
neλ

3
D ≫ 1 (1.5)

The meaning of Λ becomes apparent by substituting in the Debye length

formula, from the first criterion in section 1.4.1, and displaying how the

number of particles, (ne)
− 1

2 , describes the average distance between particles

and is inversely proportional to the mean potential energy of an electron due

to proximity to neighboring electrons. Additionally, the mean energy, defined

by the component (kBTe)
3
2 , must remain much larger for the Debye shielding

effect to be valid and for it to behave as a quasineutral plasma (Baumjohann

& Treumann, 2012).

Plasma frequency

The third criterion is the oscillation frequency of electrons that are displaced

within a plasma from the uniform background of positively charged ions.

This occurs due to the electric field that arises after the displacement of

electrons and its response in restoring the quasineutrality by moving the

electrons back into place. The small, mobile electrons will overshoot their

original positions and then oscillate around their equilibrium positive with a

characteristic frequency known as the plasma frequency, ωp. With electron

mass, me, the plasma frequency is:
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ωp = (
neq

2
e

meϵ0
)
1
2 (1.6)

In a non-fully ionized plasma, the relative number of free electrons is low in

comparison with neutral atoms and kinetic collisions will occur at an average

time, τn. If these collisions occur too often, the electrons will begin to move

along with the neutral atoms and effectively behave as a fluid. Thus, the

frequency of these collisions must be significantly smaller than the plasma

frequency:

ωp ≫
1

τn
(1.7)

for quasineutral behavior to be maintained throughout a plasma. Since the

plasma frequency is determined solely by the number density of electrons,

in relation to neutral atoms, the Saha equation (Formula 1.2) predicts that

hot, low-density environments, such as the solar atmosphere, are likely to

act as a plasma while cooler, high-density environments, such as the Earth’s

mesosphere, are likely to act as a gas (Baumjohann & Treumann, 2012).

1.4.2 Behavior of plasmas

Plasmas cover a wide range of temperatures and densities, making them chal-

lenging to analyze in the solar atmosphere. At one extreme, where densities

are very low, and one is interested in phenomena at small scales (e.g. near

current sheets in the solar corona), the plasma must be considered as a col-

lection of individual particles that respond to each other via kinetic models

of the plasma. The other extreme occurs where plasma densities are high

and strongly collisional, and one is interested in the large-scale, the plasma

can be considered as an electrically conducting fluid that is able to maintain

local equilibria throughout.

In general, plasmas can be treated mathematically by solving for the

motion of all individual particles, provided that electric and magnetic fields

in each particle’s equation include the internal field generated by all other

moving particles. Since these equations are all coupled and must be simul-
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taneously solved, it is currently impractical to attempt such an approach for

anything other than simulations of a small number of particles. Instead, it

is necessary to make approximations which will simplify the mathematical

approach and best apply to the physical situation (Gurnett & Bhattacharjee,

2005).

Motion of single charged particles

In situations where ionized particles do not directly interact, individual parti-

cles can be described as single particles that dynamically respond to external

magnetic fields. This is especially applicable in the context of the solar at-

mosphere; as external magnetic fields are strong in comparison to internal

magnetic fields produced by electric current from charged particle motion

(Chen, 2016).

Within a uniform magnetic field In the case of a charged particle within

a uniform magnetic field, B, and no substantial electric field, gyration occurs

as a circular motion around the magnetic field. The equation for this motion

is:

m
dv

dt
= q(v ×B) (1.8)

where m is the particle’s mass and v is the particle’s velocity. This equation

describes the Lorentz force. A full circular motion, similar to an orbit around

the center or angular frequency, is known as the gyrofrequency, ωg, found via:

ωg =
|q|B
m

(1.9)

While ωg is always opposite for ions and electrons, the actual motion of

ionized particles depends on q, with negatively charged electrons adhering

to “right hand rule” motion and “left hand rule” for positively charged ions,

in cases of positive gyrofrequency. The size of the particle’s circular drift

motion also depends on the constant speed in a plane perpendicular to the

magnetic field v⊥ = (v2x + v2y)
1
2 to define the gyroradius, rg:
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rg =
v⊥

ωg

=
mv⊥

qB
(1.10)

The particle’s motion parallel to the magnetic field, v∥, will be finite

and constant in the absence of other forces and in a constant background

magnetic field, or could instead be zero. In the case of the former with an

assumption that the velocity component is parallel to the magnetic field, the

shape of the particle’s motion will be that of a helix and not circular due to

drift along the guiding center. It follows that the trajectory of this helical

motion can be described with the pitch angle:

α = tan−1(
v⊥

v∥
) (1.11)

and depends on the ratio between the perpendicular and parallel velocities

(Chen, 2016; Gurnett & Bhattacharjee, 2005).

Whereas a particle’s motion parallel to the magnetic field could also be

zero. This assumption allows it to be considered as an isolated charge moving

in a circle, which is equivalent to a current loop, and so it has a magnetic

moment:

µ =
mv2

⊥
2B

(1.12)

that describes the ratio between perpendicular particle energy and the mag-

netic field.

The magnetic moment, µ, is an example of a particle parameter known

as an adiabatic invariant. Such parameters can be treated as characteris-

tic constants, but are not absolute constants since they may change very

slowly in both time and space compared to typical periodicities of particle

motion. As a contrasting example, particle parameters such as total energy

or momentum are absolute constants. For particles in magnetic fields, adi-

abatic variants are associates with types of motion that can be performed.

In addition to µ, associated with gyration about the magnetic field, there

is also a longitudinal invariant associated with motion along the magnetic

field, and a third invariant associated with perpendicular drift (Baumjohann
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& Treumann, 2012).

Within a converging magnetic field In the case of the motion of a

charged particle, where a gradient exists which is parallel to the magnetic

field. The force parallel to the magnetic field on a charged particle is:

F∥ = −µ
∂B

∂s
(1.13)

where it is assumed that s is the direction of the field and that the field is

symmetric around the s axis. If the field converges, then ∂B
∂s

is positive, the

F∥ is negative and the particle motion slows down as a result (Baumjohann

& Treumann, 2012).

Alternatively, by considering the adiabatic invariance of µ, then B in-

creases as the particle moves from a weaker magnetic field to a stronger

magnetic field. To maintain invariance, v⊥ must increase as well, and since

the total energy of the particle (W = W∥ +W⊥) is constant, then the com-

ponent v∥ decreases. By manipulating the pitch angle, α, and substituting

for v⊥ it leads to the a new version of the magnetic moment:

µ =
mv2

2

sin2α

B
(1.14)

which shows that as B increases, sin2α reaches its maximum point where

it is equal to 1 and thus α = 90°. In this situation, the particle is moving

in a circle, meaning that v∥ = 0, and yet the rate of change in the velocity

component is not zero, so v∥ becomes negative and the particle’s motion is

reversed toward the –s direction. The term for the location of this turnaround

is “mirror point”, and a particle may become trapped in a magnetic field if

B starts to rise again to the same level, resulting in two mirror points that

it spirals between. A “bounce period” is the time it takes for a particle to

reach each end of the converging magnetic field (Baumjohann & Treumann,

2012).

However, the trapping between two mirror points is not perfect, and

particles may be lost. Two common examples are: (1) When the particle

has v⊥ = 0 and thus µ = 0 as well. This particle does not experience any F∥
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along B. (2) A particle has a small ratio of v⊥
v∥

mid-way between the mirror

points can require B to be larger than what is available. In both situations,

the particle will continue along in the s-direction without mirroring (Chen,

2016).

The pitch angle will not change for a single particle, yet trapped particles

are rarely alone, such is the case of dipole magnetic fields in the Earth’s Van

Allen belts or solar magnetic loops. When collisions do occur, the pitch angle

changes v⊥ and v∥ and these particles may be lost from the plasma. There-

fore, mirroring plasmas will only have particles in a plasma with higher pitch

angles mid-way and mirror confined plasma cannot be considered isotropic

(Chen, 2016).

Within an inhomogeneous magnetic field In the case of a charged

particle moving magnetic field with a gradient in a direction perpendicular

to the magnetic, the particle may experience a drift motion. Within the

field, the particle will gyrate with different radii of curvature depending on

the perpendicular gradient, so the gyration radius will be smaller in regions

of larger B and larger in regions of smaller B. This change in radius means

that gyration does not follow perfect circular motion, resulting in the drift

velocity averaged over a gyration:

vD =
mv2

⊥
2qB2

∂B

∂y
(1.15)

Since q is a component, it follows that ions and electrons will drift in opposing

directions (Baumjohann & Treumann, 2012).

Although, for instances where B varies due to the additional force from an

electric field, E, a charged particle will gyrate with a drift motion independent

of particle charge:

vD =
E ×B

B2
(1.16)

Whereas if the additional force is due to curvature in the magnetic field,

then the drift motion depends on the radius of curvature of the magnetic

field, Rc, and will be in the opposite direction for ions and electrons:



1.4. SPACE PLASMAS 37

vD = −
mv2

∥

qBRc

(1.17)

By considering all the prior motions of a single particle, we can begin

to build a rough idea of how charged particles might respond to magnetic

fields within the solar atmosphere. The global north and south pole provide

a mechanism for trapping particles, but that field can only be considered

uniform over small scales. More commonly, as is the case in tight magnetic

loops within the quiet Sun, other electric fields, and curvatures must be

considered to determine the velocity at which charged particles drift and

whether the particle will stay confined to the plasma at all if they drift into

a collision with other particles (Gurnett & Bhattacharjee, 2005).

Magnetohydrodrynamics

The intent of magnetohydrodynamics (MHD), is to treat a plasma as a con-

ducting fluid in the presence of a magnetic field. The governing equations

were developed from fluid dynamics and so, due to a historically different

origin, the notation involved often has a different meaning than methods

which solve for the motion of individual particles (i.e., in prior sections). To

account for electrical forces, the governing equations were modified to spec-

ify current as a function of the applied electric field using an extension of

Ohm’s Law, which is often used to describe conducting media. Additionally,

the net charge density was assumed to be zero and the displacement current

assumed to be small compared to the conduction current. Altogether, these

assumptions, modifications, and an appropriate equation of state led to a

closed system of equations for the fluid theory of a plasma in the presence of

internal and external magnetic fields (Gurnett & Bhattacharjee, 2005).

To demonstrate a small portion of the usefulness of MHD, cold plasma

particles with nearly zero energy do not typically feel magnetic forces since

their energy is low. It follows that in the absence of external electric fields,

cold particles do not drift and simply gyrate around their field line. Yet,

plasma bound within the solar wind’s moving magnetic fields, which is driven

by the rotation of the sun, will drag the coronal magnetic field out so that
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previously closed loops become “open” to the heliosphere.

In order to study the transport of field lines and plasma, Maxwell’s equa-

tions are applied to a plasma, starting with Faraday’s Law:

curlE = −∂B

∂t
(1.18)

and Ampere’s Law:

1

µ
curlB = J (1.19)

and assuming:

divB = 0 (1.20)

and finally an extension of Ohm’s Law:

J = σ(E + (v ×B)) (1.21)

where E is the electric field, B is the magnetic field, t is time, µ is the

magnetic permeability, J is the current density, σ is the conductivity of the

material, and v is the velocity of the material. By combining these equations,

it can be shown that:

∂B

∂t
= curl(v ×B) +

1

σµ
∇2B (1.22)

If this equation is applied to two extreme situations, then the two terms on

the right side may be considered separately and the resulting dynamics of

the magnetic field.

Material that is stationary The first case considered is how the magnetic

field evolves when the material is stationary, v = 0, which causes the first

term on the right to disappear:

∂B

∂t
=

1

σµ
∇2B (1.23)

in this form, 1
σµ

has a similar role as the kinetic diffusion equation, and
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for this reason 1
σµ

is known as the magnetic diffusivity. So rather than the

particles diffusing outward, what this case describes is the rate at which the

magnetic field, B, is diffuses out of the plasma. Thus, the timescale, τ , for a

significant portion of B to diffuse out of the plasma can be predicted as:

τ ∼ σµL2 (1.24)

where L is the size of the plasma (Baumjohann & Treumann, 2012).

Whenever σ → ∞ or L is large, such as in the solar wind, the diffusion

timescale can become exceptionally long and the magnetic field does not

diffuse out of the plasma.

Material that is a perfect conductor The second case is how the mag-

netic field evolves when the material is composed of a perfect conductor,

σ = ∞, which causes the second term on the right to disappear:

∂B

∂t
= curl(v ×B) (1.25)

in this form, the equation is now identical to vorticity in the flow of non-

viscous fluids. This implies that magnetic field lines move with the plasma

and that the total magnetic induction circled by a closed loop persists even

if each point in this loop moves at different velocities. So the magnetic

field lines can be identified by the plasma motion since they are essentially

frozen into the plasma. This is what is known as a flux tube, which is a

volume bounded by a surface generated by moving a closed loop parallel to

the magnetic field line it intersects. To visualize it more easily: a flux tube

is a cylinder containing a constant amount of magnetic flux and all particles

will stay inside the cylinder, independent from any motion of the flux tube

or any change in the cylinder’s form (Baumjohann & Treumann, 2012).

Flux tubes are commonly used to describe coronal loops and the non-

convective particles in sunspots, allowing solar physicists to estimate mag-

netic field strength in the solar atmosphere. Although, in reality both the

first and second case are never completely fulfilled in the solar atmosphere,

so typically magnetic fields are carried with and diffuse within the plasma.
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Since the dynamics, composition, and external electric fields are constantly

varying, these factors cause MHD simulations to be computationally expen-

sive when attempting to account for all variations (Priest, 2009).

Plasma waves

In a plasma there are many reasons for the evolution of time-dependent

effects. The high temperatures required to produce strongly ionized ele-

ments in a plasma implies that the plasma particles are in a fast motion

which generates small-scale currents and causes charged particles to sepa-

rate. Therefore, there are constant temporal variations in the electric and

magnetic fields. Any plasma will react to a disturbance and propagate it

across the plasma to transport resulting wave energy. Although, these waves

are not propagated at random, because the wavenumber ultimately has a

large effect on the resulting wave propagation and velocity (Baumjohann &

Treumann, 2012).

Electron plasma waves Electron plasma oscillations can propagate as

a result of thermal motions. Electrons streaming into adjacent layers with

their thermal velocities carry information about what has occurred in the os-

cillating region. The electron plasma oscillation is then called a plasma wave

and the effect of thermal motion, with no collisions, is treated by subtracting

a thermal pressure gradient term, −∇pe = −γkTe∇ne, in the equation of

motion:

mne[
∂ve
∂t

+ (ve · ∇)ve] = qne(E + (ve ×B)) + γkBTe∇ne (1.26)

where ve is the electron velocity and γ is the heat capacity ratio for adiabatic

processes (Chen, 2016).

To get an expression for the frequency of the wave, some simplifying

assumptions are made: there is no magnetic field, ions are fixed in space

with a uniform distribution, the size of the plasma is infinite, and electron

motions are only 1-dimensional. Thus, we also need to use the continuity
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equation for electrons:

∂ne

∂t
+∇ · (neve) = 0 (1.27)

and Gauss’s Law:

ε0∇ ·E = e(ni − ne) (1.28)

where ε0 is the electric constant. Using a linearization procedure on the

equations, the amplitudes of oscillation terms are considered small with the

terms containing higher powers of amplitude factors being entirely neglected,

makes the derivation possible. Therefore, the three equations can be solved

to give an expression for the frequency of the wave, known as the dispersion

relation:

ω2 = ω2
p +

3

2
κ2v2th (1.29)

where ω is the angular frequency of the wave, ωp is the angular plasma

frequency, κ is the wavenumber and vth is the most probable thermal speed

for a Maxwellian distribution (Chen, 2016).

One notable implication is that when vth is 0, then there is no thermal

motion and the group velocity, ∂ω
∂κ
, is also 0. In this case, it is clear that no

propagation occurs. The group velocity:

∂ω

∂κ
=

3

2

v2th√
(ωp

κ
)2 + 3

2
v2th

(1.30)

also reveals that the nature of electron plasma waves are essentially constant

frequency waves at small κ and constant velocity waves at large κ. (Chen,

2016)

Ion acoustic waves Sound waves in a neutral gas are pressure waves,

propagating because of collisions among air molecules. In a plasma, anal-

ogous waves are called ion acoustic waves. Ordinary sound waves do not

propagate if there are no collisions, however ion acoustic waves can propa-

gate because of charges and the effect of electric fields even when few actual
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collisions occur (Chen, 2016).

Omitting the theory, which is similar to the electron plasma waves, the

dispersion relation for an ion acoustic wave is:

ω

κ
= (

kBTe

M

1

(κ2λ2
D + 1)

+
γikTi

M
)
1
2 (1.31)

where M is the mass of the ion, γi is the ion heat capacity ratio, and Ti is

the ion temperature. This shows that even when Ti is 0, propagation may

still occur due to the electrons.

Further, by examining the dispersion relation at small κ, then the equa-

tion becomes similar in form to the velocity of sound in a neutral gas since

M is the only term in the denominator. The indication is that, as a contrast

to electron plasma waves, the ion acoustic waves at small κ are essentially

constant velocity and constant frequency waves at large κ (Chen, 2016).



Chapter 2

Visible emission line

spectroscopy of the solar

corona during the 2019 total

solar eclipse

2.1 Introduction

The solar corona is an environment of hot, magnetized plasma that is con-

stantly expanding into interplanetary space as the solar wind. Many aspects

of this environment are poorly understood despite advancements in observa-

tions and models, including the source regions, acceleration, and nature of

the slow solar wind (e.g. Cranmer et al., 2017), the structure and dynamics

of the high-density streamer belts (e.g. Tsurutani et al., 2006; Morgan &

Habbal, 2010; Morgan & Cook, 2020), the formation and evolution of small-

scale variations in the slow solar wind (e.g. McComas et al., 2019; Alzate

et al., 2021; Morgan, 2021), the mechanisms for heating and acceleration of

the plasma (e.g. Parker, 1988; Van Doorsselaere et al., 2020), and the dis-

tance range at which this energy deposition occurs (e.g. Tu et al., 2005).

These knowledge gaps arise from both the technical difficulties of remote-

43
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observing the Thomson scattered light from electrons and ion line emission,

and interpreting the integrated emission along an extended line-of-sight in

the optically-thin medium.

The very low corona, heliocentric distance 1 to ≈1.3 solar radii (R⊙), has

been routinely observed by EUV imagers in multiple bandpasses hosted by

a succession of spacecraft. EUV spectral observations can be made off-limb

to limited distances (Culhane et al., 2007; SPICE Consortium et al., 2020).

There is excellent coverage of the broadband visible corona at distances over

2 R⊙ by space-based coronagraphs over the past two solar cycles, although

space- and ground-based coronagraphs observing closer to the Sun suffer from

stray light and other difficulties. The UltraViolet Coronagraph Spectrometer

(UVCS, Kohl et al. (1995)) onboard the Solar and Heliospheric Observatory

(SOHO, Domingo et al. (1995)) observed UV spectra of Hydrogen, Oxygen,

and other ions at distances from just above 1 to 6 R⊙ or greater, leading

to several key discoveries of the corona and solar wind acceleration (e.g.

Habbal et al., 1997; Li et al., 1998; Suleiman et al., 1999; Cranmer et al.,

1999; Antonucci, 2000; Morgan et al., 2004; Kohl et al., 2006), although the

presence of large sunspots could lead to considerable uncertainties in certain

diagnostics (Morgan & Habbal, 2005).

The short period of totality during some solar eclipses, where the bright

photospheric light is entirely blocked, provides a valuable opportunity to

observe the corona in great detail, from distances very close to the Sun out to

several solar radii. As well as offering an opportunity to develop subsequent

generations of ground- or space-based coronagraphic instruments (imagers

and spectrometers), the observations have led to a legacy of discoveries.

Early discovery of thousands of spectral lines were identified in the chro-

mospheric flash spectrum of total solar eclipses in the 1930’s by Menzel

(1930), many of which were unknown in origin until Edlen extrapolated ion-

ization sequences of heavy elements like iron, nickel, calcium, etc (Edlén,

1941). These chromospheric emission lines contrasted with the spectrum of

the K-corona, created by photospheric Thomson scattered light off of free

electrons, where high electron velocities blurs absorption lines so that its

spectrum appears as a smooth continuum (Menzel & Pasachoff, 1968). E-
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corona emission lines of Fe XIV at 530.3 nm & Fe X at 637.4 nm have long

been regularly isolated during total solar eclipses, with the use of techniques

such as Fabry-Perot interferometers in the 1950’s, and the interpreted kinetic

temperatures well over 106 K within the first solar radii above the solar disk

(Jarrett & von Klüber, 1955; Jarrett & Von Klüber, 1961). Corresponding

ultraviolet transition lines were then discovered with sounding rockets in the

1970’s during total solar eclipses, as slitless spectrographs were able to iden-

tify Lyman-alpha hydrogen lines as well as dozens of other ion emission lines

within the corona (Gabriel et al., 1971). A significant amount of progress

occurred in the 1973 total solar eclipse as a Concorde airplane followed the

totality path for 74 minutes with a suite of instruments that mapped spectra

in ultraviolet, visible, and infrared wavelengths (Beckman et al., 1973). It

was concluded that the F-corona’s thermal emission was largely due to reflec-

tion of photospheric light off of dust out to several solar radii, but did not act

as a perfect mirror in infrared as it did visible light, making distinguishing

the K-corona from the F-corona possible. Lena et al. (1974) studied Doppler

shift contributions to line width with multi-slit spectral observations during

the 1980 total solar eclipse, and line widths & Doppler broadening were esti-

mated to correspond to temperatures of 4.6 x 106 K and turbulent velocities

of 30 km s−1, respectively (Singh et al., 1982). Coordinated efforts to observe

soft X-rays, in addition to other wavelengths via spectropolarimetry, during

the 1988 eclipse allowed for coronal density and temperature structures to

be determined from ratios of Fe ions in many wavelengths (Guhathakurta

et al., 1992; Habbal et al., 1993). Arrays of white light and narrowband

imagers combined with short cadence arrays of cameras led to the discov-

ery of complex, fine scale, highly dynamic structures within the first solar

radii above the limb during the 1991 total solar eclipse (Koutchmy et al.,

1994). Soon after, in 1994, the shape of weak depressions at 390 and 430 nm

in the coronal spectrum was compared with a theoretical electron-scattered

spectrum to determine the electron thermal motion directly (Ichimoto et al.,

1996). Polarized brightness measurements from the 1996 total solar eclipse

were analyzed via an inversion method that determined the electron density

within the low corona (Quémerais & Lamy, 2002). During the 2001 total so-



46 CHAPTER 2. 2019 TOTAL SOLAR ECLIPSE

lar eclipse, spectral data from several wavelengths were modelled to estimate

the bulk flow speed of the solar wind within the low corona (Reginald et al.,

2003).

The most prolific set of eclipse observations and discoveries during the

21st century have been made by an international group of collaborators led

by Prof. Shadia Habbal, of the University of Hawaii. During the 2006 to-

tal solar eclipse, high-resolution broadband white light images, subject to

advanced image processing (Druckmüller et al., 2006), combined with nar-

rowband imaging in several visible or near-infrared emission lines, led to

understanding that the Fe XI emission line at 789.2 nm line has a signif-

icant radiative component during its excitation process which enables ob-

servations to large distances in the corona (Habbal et al., 2007a,b). The

narrowband imagers have concentrated on coronal forbidden lines, most no-

tably the three brightest visible lines of iron emission: Fe X, Fe XI, Fe XIV,

which represent equilibrium temperatures of 0.9, 1.3, 1.9 MK, respectively.

With data from the 2006 and 2008 total solar eclipses, the electron tempera-

ture from intensity ratios of emission lines was determined for regions where

the plasma was collisional, as well as determining where the radial distance

where collisions ceased (Habbal et al., 2009). These Fe ions provide diagnos-

tic capabilities for exploring the inner corona, such as in the 2010 eclipse,

when the long-standing ambiguity of temperature and magnetic structure of

prominence cavities was resolved (Habbal et al., 2010). A decade’s worth of

high-resolution white light total solar eclipse observations were subjected to

advanced image processing to find the link between prominences and large

scale coronal structures, including the source of the slow solar wind (Habbal

et al., 2014). Atypical structures within the corona were then explored in

the 2012 and 2013 eclipses with white light imaging, and space-based EUV

images were found to be the result of long-lasting remnants of faint CMEs

(Alzate et al., 2017). More recently, the arsenal of instrumentation has been

expanded to include an innovative spectrometer offering high-resolution spec-

tra of Fe XI, and Fe XIV. Observations by this instrument during the total

solar eclipse of 2015 led to the discovery of prominence material embedded

within a CME front (Ding & Habbal, 2017). At the same eclipse, Fe XI
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and XIV filtered images led to measuring the distance where fixed ionization

states for Fe ions within the solar wind occurred before further expanding

into interplanetary space Boe et al. (2018).

Funded by the United Kingdom’s Science, Technology, and Facilities

Council (STFC, see Acknowledgments), and in collaboration with Prof Adal-

bert Ding, a prototype 2-channel spectrometer was built at Aberystwyth and

tested during the total solar eclipse of 2015. Based on our experience in that

eclipse, a more compact and robust design was developed and built at Aberys-

twyth for use in following eclipses. This low-cost, 3-channel spectrometer,

collects spectra of the three main Fe ion lines in the visible & near infrared

range along a spatially linear slit at a very high order, enabling fine spectral

resolution. During an eclipse, the spectrometer can be sat at rest whilst the

Sun pans across the sky, thus scanning a large region of the corona during

the minutes of totality.

This chapter gives a description of the spectrometer, observations, and

presents results arising from the July 2019 total solar eclipse in Argentina.

Section 2.2 describes the overall instrument design, calibration methods, and

optical corrections carried out on the data. Section 2.3 describes the collec-

tion of data during totality, analysis of emission spectra to determine spectral

diagnostics, 2D mapping of coronal spectra, and analysis of selected sets of

data. Section 2.4 discusses the spectral results within the white light coronal

context of a helmet streamer and provides a brief summary.

2.2 Instrument design and calibration

methods

This section summarises the design and concept of the 3-channel spectrom-

eter, and the methods for calibrating the data.

2.2.1 The 3-channel spectrometer design

The instrument is a 3-channel push-broom spectrometer with a white-light

entrance camera. The spectral range of the channels are approximately cen-
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Figure 2.1: A schematic diagram of the spectrometer’s optical path. Incom-
ing light (yellow) is focused through the objective lens onto a mirror which
has a vertical (pointing out of the diagram) narrow entrance slit. The mirror
reflects light toward the slit camera to provide white light context of the dark
line entrance slit. Light passing through the slit goes through a collimating
lens before encountering the first dichroic beam splitter that reflects green
light (≈550 nm and shorter) toward the echelle diffraction grating, whilst
transmitting longer wavelengths. The reflected green light is dispersed by
the echelle grating, and filtered by an order-sorting bandpass filter. A cam-
era records the spectra, with the x-axis of the detector aligned in the spectral
direction, and the y-axis aligned with the spatial direction of the vertical slit.
The light that is transmitted by the dichroic splitter passes to the dichroic
splitter of the second channel, which reflects red light (≈700 nm and shorter).
The mirror of the third channel reflects the remaining light.



2.2. INSTRUMENT DESIGN AND CALIBRATION METHODS 49

Table 2.1: Specifications of the 3-channel spectrometer
Channel target wavelength (nm) 530.3 637.4 789.2
Bandpass filter:

527 × 20 650 × 40 775 × 46
centralized wavelength × FWHM (nm)
Grating Periodicity (lines/mm) 79 79 52.67
Grating blaze angle 63.43° 62° 63.5°
Diffraction order 42 34 42
Incident angle α 53.06° 47.82° 50.76°
Diffraction angle β 73.8° 76.18° 76.24°
Free Spectral Range (nm) 12.6 18.7 18.8
Detected Spectral Range (nm) 15.01 15.96 19.31
Diffraction limit (nm) 0.001 0.0014 0.0017
Sampling resolution (nm/pixel) 0.011 0.011 0.014

tered on three iron emission lines: Fe XIV, Fe X, and Fe XI which corre-

spond to 530.3 nm, 637.4 nm, and 789.2 nm, respectively. Figure 2.1 shows

a schematic diagram of the device. Incoming light passes through a Canon

300 mm f/2.8 SLR lens and focused onto an etched chrome-on-glass entrance

slit-mirror angled at 30° toward a secondary mirror that redirects light into

a 25 mm lens then toward a monochrome Atik GP camera, known hereafter

as the “context camera.” The context camera covers a ≈36’ × 47’ region of

sky, which is slightly larger than the solar disk.

The light beam that passes through the mirror entrance slit is collimated

by a 100 mm f/2.8 mount machine vision lens and then directed to the

dichroic beam splitter (DBS) of the first spectrometer channel. The DBS

is coated onto a Schott long pass filter, and reflects green light toward an

Echelle diffraction grating. The grating disperses the incident light at a high

order (see Table 2.1) for measurement by a monochrome Atik Infinity CCD

camera fitted with a 50 mm C mount machine vision lens and order-sorting

bandpass filter.

Longer wavelength light is transmitted by the DBS of the first channel

onto the DBS of the second channel, which reflects red light onto the grating

of the second channel, and transmits longer wavelengths (see Table 2.1 and

Figure 2.2). The second and third channel have similar optical components
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Figure 2.2: Dichroic beam splitter reflection for each wavelength. The green,
orange, and red lines are light reflected by the DBS for the first, second, and
third channels respectively, targeting the iron emission lines at 530.3, 637.4,
and 789.2nm. The shaded grey areas represent the detected spectral range
measured in each spectrometer channel.

to the first, except a mirror is used instead of a DBS for the third channel.

Details including the diffraction grating orientation, theoretical resolution,

and spectral range of each channel are listed in Table 2.1. The response of

each channel’s DBS is shown in Figure 2.2.

All optical and CCD elements are mounted on an aluminum plate and

sealed with a carbon fibre lid to suppress stray light. The entire device

is approximately 15 kg and fits within a standard backpack. An image of

the open optics case is shown in Figure 2.3. An electric thermocouple is

placed within the case to monitor internal temperature, and other electronic

elements are sealed on the underside of the aluminum plate to minimise

thermal or other interference.

2.2.2 Flatfields and darkfields

Flatfield measurements were taken using a Labsphere 12” uniform light

source integrating sphere system. The interior of the enclosed sphere is

coated with white diffuse reflective paint to produce an even white back-

ground illuminated by incandescent light sources. The integrating sphere

was powered to 10µA while taking spectra, so that a good signal strength or

digital number (DN) was received at all pixels without saturation.

The flatfield of Figure 2.4 shows that the combination of CCD sensitivity
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Figure 2.3: Image of the opened spectrometer assembly, with the alignment
corresponding to the schematic diagram of Figure 2.1.

Figure 2.4: Top row: Examples of the flatfields taken with an integrating
sphere. From left to right: Fe XIV, Fe X, and the Fe XI channel. The x-
axis is the spectral dimension, and the y-axis is the spatial dimension (along
the spectrometer entrance slit). A horizontal dashed line is drawn along the
center of the image, or approximately centered on where the corona will be
observed. Bottom row: Normalized flatfield intensity along the horizontal
dashed lines.
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at different wavelengths, dichroic mirror semi-reflectivity, and high order of

the Echelle grating creates a highly non-uniform, yet reasonably smooth,

response for the spectral channels. The slope of the plotted line across the

entire 1392 pixels of each image is a negligible concern since the target Fe

ion spectral signatures are only ≈25 pixels wide and located on flatter areas

of the graphs.

Darkfield images are sets of spectral images made with a cover over the

objective lens with equal exposure time as the flatfield images. For example,

the 530.3nm channel with 1 second exposures, darkfield and flatfield images

resulted in DN counts of ≈850 to ≈4200, respectively, across the region of

interest within the spectra. Flatfield and darkfield images were processed for

each channel by averaging individual pixels over a sets of these images, and

then dividing each pixel by the mean of their respective images to find the

typical response for each channel.

In each channel, the processed darkfield is then subtracted from both the

processed flatfield and eclipse observation images. Finally, the eclipse obser-

vation images are divided by the flatfield to create a corrected eclipse image,

with the DN contribution from instrumental effects reduced by roughly 1.0

to 1.3 from resulting intensity graphs.

2.2.3 Cross-calibration of spectrometer channels

Cross-calibration of the spectrometer channels is achieved through the rel-

ative intensities of the integrating sphere images and a broadband light in-

tensity meter within the integrating sphere. There are many reasons why

spectral channels have a varying response to input light, including the trans-

mission and reflectance of the two DBS, the camera wavelength response,

and the wavelength response of other optical components including the order-

sorting bandpass filters.

Within the integrating sphere, an incandescent bulb is set to a current

of10 µA to create a smooth spectral profile which is measured at 1 nm in-

crements by the light intensity meter. These profiles give the input light

flux, Iλ, at λ =530, 637, and 789 nm in units of Wm2sr−1. Next, we isolate
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Figure 2.5: Measured light intensity produced by incandescent bulbs within
the integrating sphere for wavelength ranges of interest (black lines), mean
uncalibrated intensity across a region of interest of each channel’s detector
(red squares), and intensities following cross-calibration (blue diamonds).

regions of the spectrometer images centered on the expected position of the

eclipse spectral line (this is to avoid the large DN variation near the image

edges) to calculate a mean DN value. This value is divided by the exposure

time to give a count rate which we label as Mλ, measured in DNs-1, for each

channel.

Since the ratio between coronal spectral lines during the eclipse was un-

known, due to lack of broadband spectra, we used the known light source

ratios of Iλ at the same spectral positions to get the cross-calibration factor

fλ:

fλ =
MλIλ
I789

(2.1)

We use the 789.2 nm, Fe XI, near-infrared channel as a master channel

against which the other two channels are cross-calibrated to alter their DN

by the appropriate fλ. While this is not a direct analog for the corona during

totality, it does ensure that light transmission is correct relative to the optics

of each spectral channel.

By applying Equation 2.1, the resulting cross-calibration is shown in Fig-

ure 2.5, which displays the wavelength-dependent measurements. As is ex-

pected as the first spectral channel in the optical assembly, the 530 nm



54 CHAPTER 2. 2019 TOTAL SOLAR ECLIPSE

Figure 2.6: (Left) An uncorrected spectral image, with red points tracing
the local minima of a strong absorption line. The green circle shows the
circle that best fits these points. From the fitting, the circle center is at
x, y = −234, 461 pixels as indicated by the vertical and horizontal dashed
green lines. Note that this center is beyond the leftmost boundary of the
image. (Right) Corrected image with pixels shifted to correspond to the
wavelength of interest, denoted by a dashed line.

channel is reduced by roughly two-thirds. The second channel in the op-

tical assembly, 637 nm, is reduced by roughly one-third. The last channel

in the optical assembly, 789 nm, is left unchanged since it is used by our

cross-calibration method as the reference.

2.2.4 Straightening the optical ‘smile’ artifact.

Optical artifacts are inherent to spectrometers with a linear slit and produce a

curved ‘smile’ distortion, as shown in the uncorrected spectral image of Figure

2.6. This occurs due to aberrations in the spectrometer optics and leads to the

misregistration of pixels across the field of view in the spectral dimension (e.g.

Yuan et al., 2019). We developed a semi-automated trigonometric approach

for correcting the optical smile.

Figure 2.6 shows how the automated detection of the curves in each chan-

nel were found via local minimums of faint absorption lines from a laboratory

light source with a set of clear absorption lines. A lab source was chosen in

lieu of coronal spectra due to the spread of lines across the full image; the

spatial location of spectral lines on the image was unimportant since the dis-

tortion is applied across the entire image. The local minima of the spectral
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line center across the slit were identified, and the position of each minima

pixel on the detector recorded. The result of this detection is a set of pixels

which outlines an incomplete circle, as shown by the red points in the left

panel of Figure 2.6. A fitting routine takes the set of points and finds the

center location and radius of the circle that best fits the points, as shown in

green in the left panel of Figure 2.6. The center point is located beyond the

boundary of the actual image. Once the circle parameters are found for each

channel it is possible to correct for the optical smile.

The location of the spectral line of interest in Figure 2.6, approximately

2/3rds from the left side of the image, is used for shifting pixels in the

correction process. Essentially, every pixel on the image is compared against

the radius between the circle center and the wavelength line of interest located

directly horizontal to it. For that same horizontal set of pixels, no shifting is

required. Above and below the horizontal set of pixels, the difference between

the edge of the circle and the vertical dashed line determines the pixel shift

needed to straighten the ‘smile’. The end result is a corrected image where

the Fe ion spectral line of interest is vertical, as shown in the bottom panel

of Figure 2.6.

Note that this correction is only strictly valid for the position of the

spectra line of interest in each channel. As can be seen in the bottom panel of

Figure 2.6, the correction becomes increasingly invalid for pixels at a spectral

position far from the line of interest. Further correction was not attempted

to avoid overcorrection of the tenuous coronal data and a lack of resources in

quantifying them. Furthermore, we analyse only the spectral line of interest

in this dataset, and any further warping corrections towards the spectral

range limits is redundant.

2.2.5 Wavelength calibration

Based on careful identification of known spectral lines from laboratory sources,

we estimated the spectral pixel-width resolution of the spectral image data.

The results range from 0.011 to 0.014 nm per pixel for the different channels

(detailed in Table 2.1). Both Neon and Krypton gas calibration lamps were
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used for this purpose, with comparisons of measured spectra made against

the National Institute of Standards & Technology database for strong lines

of neutral elemental gas emissions, which allowed for reliable wavelength

identification (Kaufman, 1993; Saloman & Sansonetti, 2004). To avoid com-

plication with the ‘smile’ straightening correction, these calibrations were

performed at the same vertical baseline location within the spectral images

as the fitted circle adjustments, or in other words, at the horizontal slice of

the detector corresponding to the vertical position of the circle center, as

shown for example in Figure 2.6. The calibration lamp measurements were

made in a dark optics laboratory, and the pixel location and intensity of the

emission line peaks recorded.

Figure 2.7 shows selected spectra of Fe ions measured during the eclipse,

alongside calibration lamp spectra. The spatial location of strong emission

lines and separation between lines was used to determine the pixel value

of wavelengths and spectral range within each camera. Pixel locations for

the expected wavelength of Fe ion emission lines were determined and later

compared to coronal measurements made during the eclipse.

A single spectral plot of flattened and corrected solar eclipse coronal data

is displayed to illustrate that the wavelength sampling varied slightly between

channels, with resolution varying approximately 0.011 to 0.014 nm per pixel,

and the full-width at half maximum (FWHM) of all the Fe lines less than 1

nm. The Fe ion emission lines spanned a range of 30, 30, and 40 pixels for

Fe XIV, Fe X, and Fe XI, respectively.

2.3 Observational analysis

This section describes the collection of data during totality, the analysis

methods, and organization of results.

2.3.1 Data collection

The total solar eclipse observations were made on 2 July 2019 at 20:40 UTC in

Rodeo, Argentina (-30.194°, -69.102°) at an altitude of ≈1700 m. Conditions
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Figure 2.7: Spectra of calibration lamps compared to eclipse measurements.
The x-axis indicates the detector pixels in the spectral (horizontal) direction,
approximately halfway across the detector spatial (vertical) dimension. (Top)
Neon gas measurement plotted in black and an example eclipse measurement
of Fe XIV in green. (Middle) Neon gas plotted in black and an eclipse
measurement of Fe X in orange. (Bottom) Krypton gas plotted in black
and an eclipse measurement of Fe XI in red. In all cases, we have ensured
that calibration emission lines do not saturate the cameras and data from
the brightest portion of the corona were chosen. Vertical units are arbitrary,
with the coronal data scaled for visibility.
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Figure 2.8: A high-resolution and processed composite of the corona in visible
light as observed during the 2019 eclipse from Tres Cruses, Chile. The blue
dotted rectangle displays the region of the corona selected for analysis. The
spectrometer observed a larger region, but the restriction is made due to
poor signal to noise at larger distances from the Sun, and over the dim
polar regions. Corresponding to the alignment of the instruments during
this southern hemisphere eclipse, the Solar North Pole points approximately
downward as indicated by the yellow arrow. The orientation of the image
means that the left side of the Sun/corona is west, and rotates away from
Earth, while the right side of the image is east and rotates towards the Earth.
Image courtesy of Miloslav Druckmüller.
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Figure 2.9: The visible outline of the solar limb is marked as dashed circles
as it moves in relation to the spectrometer slit (white dashes) via diurnal
motion. Once the path of the Sun is determined in yellow, the blue arrow
notes the direction of the spectrometer with respect to the solar disk at the
purple “Start” time. Purple, cyan, and grey circles display the Sun’s position
after 0, 1 and 2 minutes of totality, respectively. Note that for the start time,
the context camera shows the location of the spectrometer slit as a faint grey
vertical line.

were clear, wind was minimal, and the Sun was elevated at ≈11.5° above the
horizon. The device’s internal temperature varied from 25.3° C to 24.4° C

from the start to the end of totality.

Light transmitted into the context camera displays a full image of the

solar disk during the beginning of the eclipse in broadband visible white

light which allowed for locating the spectrometer entrance slit with respect

to the solar limb. The context camera only covered ≈36’ x 47’ of sky, an area

far smaller than the spectrometer camera coverage, so white light imaging

from this camera is used primarily for determining the initial pointing of the

spectrometer during the first moments of totality.

Due to this limitation, spectrometer measurements are compared against

large scale white light structures captured by Miloslav Druckmüller 150 km

away in Tres Cruses, Chile, where the timing of the eclipse is approximately

1 minute prior to Rodeo, Argentina. This is considered a reliable contextual

comparison since large scale coronal structures tend not to change signifi-
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Figure 2.10: Context camera images, bounded by yellow dashed boxes, of the
solar disk in (left) Fe XIV, (middle) Fe X, and (right) Fe XI are overlain onto
each channel’s spectrometer measurements taken at the same time. The size
of the yellow boxes are ≈35.2’ x 47.5’ and the slit is situated on the solar
disk is where each Fe emission line is located within the images. The vertical
size of the spectrometer images is ≈156.3’ and horizontal spectral range is
≈15.0, 16.0, and 19.3 nm from left to right.

cantly within short timescales in the absence of CMEs. No large events were

recorded during the few minutes of observation.

The spectrometer assembly tracked the Sun prior to totality, then tracking

was turned off at the start of totality, thus the scanning of the corona by the

spectrometer was entirely due to diurnal motion, whilst the spectrometer

assembly was conveniently static. The motion of the spectrometer slit relative

to the Sun during totality is shown in Figure 2.9, calculated by identifying

the portion of the faint solar limb in the context camera images, and fitting

circles using a similar method similar to that used for correcting the optical

smile, as shown in Figure 2.6. The path of the Sun drifted slightly downwards

in relation to the spectrometer slit during totality. A line was drawn through

the center of the solar limb circles at the start and end of the eclipse. The

line’s endpoints were used to find that the solar path drifted 10.87° away

from perfect horizontal motion, as illustrated in Figure 2.9, throughout the

duration of totality. The solar path drift angle enabled us to map the time

series of spectral data in relation to location in the corona.

Figure 2.10 shows that the spectrometer slit sampled a much larger ver-

tical portion of the sky than the context camera. After calibrations, mis-

alignment factors appear to have had minimal effect on signal loss since the

brightest portion of the coronal spectra was well within the sensitive areas
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of the images.

Based on previous experience with signal response in the device, the Fe

XIV, Fe X, and Fe XI spectrometer channels were set to capture a continuous

series of exposures of 1, 1, and 4 seconds, respectively, throughout totality.

Thus, the spectrometer panned across 0.25, 0.25, and 1 arcmin of sky during

each exposure, with a 0.075 arcmin gap between each exposure due to data

transfer overheads to give a total of 113, 114, and 34 spectral images captured

in FITS format of 1392 x 1040 pixels. Totality lasted 134 seconds and 33.5

arcmin of apparent motion were recorded, although some data was discarded

due to excess brightness during second and third contact.

2.3.2 Fitting emission spectra to Gaussian functions

The coronal emission curves within Figure 2.7 show the result of flattened

intensity reduction toward the center of the image frame, where relevant

spectra are located, and emission curves measured in a spectrometer from

a single ion should appear as Gaussian-like shapes with intensity decreasing

symmetrically away from the central peak wavelength. While highly dynamic

events, such as flares and CMEs, can lead to skewed Gaussians, or more

complicated shapes, the Sun was at solar minimum with very little activity.

Thus, we utilized a non-linear least-squares fit to a Gaussian and a linear

background:

f(x) = A0e
−z2

2 + A3 + A4x, (2.2)

where

z =
x− A1

A2

. (2.3)

x is the spectral pixel index, which following wavelength calibration can

be replaced by the wavelength in nm. A0 is the peak amplitude of the

Gaussian, A1 is the position of the Gaussian peak, A2 is the Gaussian width

(standard deviation), A3 is the constant background term, and A4 is the

linear background term.
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Figure 2.11: Sample line profile of Fe XIV (points with red error bars) fitted
to a Gaussian function (black line). The vertical axis of intensity is measured
in DN and the horizontal axis is measured in pixels across the spectral image.
The 1-sigma error estimate for the intensity’s fit is shown as red bars. The
fitted Gaussian parameters are as follows: A0 = 1715.23 ± 47.15, A1 =
15.5± 0.15, A2 = 4.9± 0.19, A3 = 7450± 45.87, and A4 = −0.66± 2.14.

Prior to fitting, the data is convolved with a narrow Gaussian kernel in

order to enable the fit in low-signal regions, the kernel has a width (standard

deviation) of 4 pixels in the spectral dimension. Following convolution, a

spectral range of interest is extracted for each channel, of width 30, 30, and

40 pixels for each channel respectively. This extracted spectra is then used for

the Gaussian fitting. An example of a Gaussian fit to an eclipse measurement

of Fe XIV is shown in Figure 2.11, where the points with red error bars show

the measurement, and the black line the fitted Gaussian.

The Gauss-fitting procedure is applied to each measured spectra and the

Gaussian parameters for each spatial pixel where a successful fit is achieved is

recorded. Criteria for judging a fit as successful or not are based on thresholds

on fitted parameters. For example, a value for the line width that is very

narrow (e.g. 1 pixel or less) is obviously a non-valid fit, and is discarded.

Such pixels are treated as missing data in our results. As expected, the fitting

is generally more reliable near the solar limb, where DN is higher.
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Figure 2.12: Maps of spectra line intensities for Fe XIV (left), Fe X (cen-
ter), and Fe XI (right). All axes units are solar radii, with the vertical axis
originating at the solar center and the horizontal axis originating at the edge
of the solar limb. We have used a color scheme representative of the green,
reddish-orange, and near-infrared appearance of the emission lines. The hor-
izontal dashed line shows the location of the height profiles of Figures 2.13,
2.14, and 2.15.

2.3.3 Results

The results of the Gaussian fitting can be used to create a visual map of

intensities (or other characteristics) as the spectrometer slit scanned across

the corona. Figure 2.12 shows that intensity is stronger near the equatorial-

positioned dashed line, corresponding to the location of a large helmet streamer,

as seen in white light in Figure 2.8. The green Fe XIV ion measurements,

which corresponds to the hottest equilibrium temperature of 1.9 MK, extends

furthest overall. The orange Fe X and red Fe XI ions coincide with cooler

equilibrium temperatures of 0.9 and 1.3 MK, respectively, and are confined

closer to the solar disk. Beyond ≈1 R⊙ the measurements become noisy,

there are a large number of pixels where the Gaussian fitting has failed, and

the data can be considered largely unreliable.

In the top left panel of Figure 2.13, the intensity of the spectral lines

is compared for the first ≈1 R⊙ along the dashed horizontal line in Figure

2.12, where the signal is strongest and the Gaussian fits are most reliable.

Starting from the solar limb, the first intensity measurement with reliable

Gaussian signal occurs at 0.15 R⊙, where Fe X had the strongest initial DN

and also weakened most rapidly with increasing distance. Fe XI, the last ion

measured within the spectrometer optics, started with an intermediate DN
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Figure 2.13: The intensity of Fe XIV (green), Fe X (orange) and Fe XI (red)
as a function of distance along the horizontal dashed line of Figure 2.12.
Gaps in data are due to a failure in fitting the line profiles to Gaussians,
usually due to low DN. (Top left) A comparison of the line intensities in the
highest DN regions within ≈1 R⊙ of the Sun. The other three plots show
each line separately, (top right) Fe XIV, (bottom left) Fe X, and (bottom
right) Fe XI. The shaded regions show the estimated errors in intensity, given
by the fitting routine, and based on the measurement error.
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Figure 2.14: (Top left) The FWHM of Fe XIV in green, Fe X in orange, and
Fe XI in red lines as a function of distance along the horizontal dashed line
of Figure 2.12. Gaps in data are due to a failure in fitting the line profiles
to Gaussians, usually due to low signal. The other panels show the direct
conversion of the FWHM into a Doppler-broadening equivalent temperature
of (top right) Fe XIV, (bottom left) Fe X, and (bottom right) Fe XI. The
shaded regions show the estimated errors, given by the fitting routine, and
based on the measurement error.

and weakened less drastically than Fe X. Together, Fe X and XI, representing

the two cooler ions, became less dominant at 0.3 R⊙ and their signal become

unreliable beyond 0.6 R⊙. The hottest ion, Fe XIV starts out with a much

weaker intensity DN, yet it does not weaken as quickly with distance, and

has the dominant DN from 0.3 to 1.0 R⊙. It should be noted that error bars

will appear visually larger on log graphs as measurements decrease.

Overall, these spectral intensity results can be interpreted in terms of

the hydrostatic weighting bias of density scale heights for coronal loops. As-

chwanden & Nitta (2000) showed that plasmas within flux tubes can be

treated as isolated isothermal atmospheres, and their approximation showed

that hotter flux tubes have larger density scale heights than cooler ones -

thus this alone can account for the hotter channel maintaining intensity to

greater distances.

The top left of Figure 2.14 compares the FWHM of the spectral lines as a
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function of distance along the dashed horizontal line in Figure 2.12. Within

the context of coronal emission spectra, the linewidth contains information on

the thermal Doppler broadening, with further broadening caused by motions

such as turbulence, bulk velocities, and wave motions (e.g. Mierla, M. et al.,

2008). From the solar limb to 0.6 solar radii, the line width is similar for the

Fe X and XIV lines, but considerably higher for the Fe XI line. FWHM is

then converted to thermal broadening ion temperatures via:

T =
m

kB8 ln 2
(
cλF

λ0

)2 (2.4)

where m is the ion mass, kB is the Boltzmann constant, c is the speed of

light, λF is the FWHM, and λ0 is the ion wavelength.

Our results show that the ion temperatures are at most 4 to 6 MK, as

shown in the remaining plots in 2.14. Beyond 0.6 R⊙, there is a suggestion

of a decrease in line width for the cooler Fe X ion relative to the hotter Fe

XIV, although the DN becomes weak.

The thermal broadening temperatures measured are roughly 3 to 4 times

greater than the equilibrium temperature associated with each of the Fe ions.

Cranmer et al. (2008) showed that strong temperature anisotropy for heavy

ions is due to preferential ion heating and acceleration at elevations just above

our data. In particular, their UVCS measurements of temperature perpen-

dicular to the magnetic field was much larger than the temperature parallel

to the field. Considering the off-limb orientation of Fe XIV, as suggested

by Doppler velocity measurements in Figure 2.15, to be nearly tangential to

our line of sight, it is likely that true temperature anisotropy is the reason

for enhanced thermal broadening. The temperature anisotropy is achieved

via the mechanism described in Lu & Li (2007) where ions are picked up

in the transverse direction by the Alfven wave and obtain an average trans-

verse velocity and then parallel thermal nonresonant motions produce phase

randomizations between ions and this interaction leads to ion heating.

Unresolved motions, or non-thermal broadening, are thought to be as-

sociated with turbulence or quasi-periodic upflows and a helmet streamer

that extends off-limb will consist mostly of interconnected magnetic fields
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Figure 2.15: (Top left) Doppler shift of the Fe XIV in green, Fe X in orange,
and Fe XI in red lines as a function of distance along the horizontal dashed
line of Figure 2.12. Gaps in data are due to a failure in fitting the line profiles
to Gaussians, usually due to low signal. The expected stationary wavelength
of each Fe ion is represented at 0 nm. The other panels show the conversion
of the Doppler shift into a line-of-sight Doppler velocity for (top right) Fe
XIV, (bottom left) Fe X, and (bottom right) Fe XI. The shaded regions
show the estimated errors, given by the fitting routine, and based on the
measurement error. The grey dashed line represents the velocity expected
for solid body rotational velocity based upon the Carrington rotation (thus
increasingly negative with increasing distance).

that are perpendicular to the spectrometer line of sight. In this case, small-

scale twists and Alfven waves are likely to play a role in non-thermal line

broadening (Aschwanden, 2019). Turbulent motion differences could also

be attributed to this separation in line width broadening as energy converts

from Alfven waves to acoustic waves in a near-collisionless part of the corona.

Although, the overall trend is that the line widths decrease with distance,

suggesting that kinetic temperature may instead be the primary driver for

the decrease with distance (Mierla, M. et al., 2008).

Figure 2.15 displays the fitted center of the spectral line as a function of

distance, and gives the bulk ion velocity in km s−1 along the line of sight

via the Doppler shift:



68 CHAPTER 2. 2019 TOTAL SOLAR ECLIPSE

V =
λD

λ0

c (2.5)

where λD is the centralized wavelength. Such bulk motions in the coronal

context should include a component due to solar rotation. Our measurements

were made on the side of the corona rotating toward the Earth, giving a

blue-shift for a rigid rotation equating to ≈1.9 km s−1 at the photosphere,

and growing to larger negative values with increasing distance in the corona.

This baseline is shown as the grey dashed lines in Figure 2.15. The Doppler

shifts of the hotter Fe XIV line is fairly consistent with the expected coronal

rotation beyond 0.25 R⊙. In contrast, the cooler lines show large variations

below ≈0.5 R⊙, and are quite different to each other. Below 0.4 R⊙, Fe XI

has a notable increase in velocity at roughly 8 times what would be expected

of a radial corona rotating with the photosphere. A peak (negative) speed of

-12 km s−1 is measured at 0.07 R⊙. The coolest Fe X ion moves rapidly in

the opposite direction of rotation, peaking at +2.5 km s−1 (redshift) below

≈0.2 R⊙ and then transitions to blueshifts above 0.3 R⊙. Above 0.7 R⊙,

both Fe X and Fe XI show large variations that are likely due to poor line

fitting. We interpret these mixed results in the context of the complex large-

scale magnetic structure of helmet streamers in the low corona, superimposed

on the general coronal solid-body rotation. Below ≈0.5 R⊙, we expect the

helmet streamer to be composed of a system of large nested magnetic loops.

Qualitatively, this can be seen in the processed white-light image of Figure

2.8. These loops, whilst generally aligned in a north-south orientation, may

also have a longitudinal component, and bulk motion of ions along these

loop systems may lead to the measured Doppler shifts. Large-scale systems

of loops aligned at different orientations to the line of sight may have different

temperatures, and can lead to the different profiles of Doppler shifts seen in

the three ion lines. We note also that the corona does not rotate rigidly

with the photosphere, and can possess rotation rates that vary by several

degrees per day depending on latitude, and solar cycle phase (Morgan, 2011;

Edwards et al., 2022). According to Edwards et al. (2022), the equatorial

coronal rotation rate at a distance of 4 R⊙ during the time of the eclipse is
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generally slightly slower than the Carrington rotation rate, but the effect is

small.

2.4 Summary

Overall, the end of Solar Cycle 24 was a below-average solar minimum, with

very little activity. This period exhibited few flares, CMEs, and coronal

brightness was low in general. On 2 July 2019, there was a large helmet

streamer in the east, shown in Figure 2.8, which is the subject of our study.

We note that no large CMEs were reported during the period of the total

eclipse.

Our results show several interesting features of the helmet streamer in-

cluding (i) different rates of intensity decrease with increasing distance be-

tween the cooler and hotter lines, (ii) different line widths between the cooler

and hotter lines, and (iii) different profiles of Doppler shift between all chan-

nels.

The first feature can be easily explained. Line-of-sight observations within

helmet streamers will always contain a variety of flux tubes at different

isothermal temperatures. Assuming hydrostatic equilibrium, the observed

density stratification of cooler flux tubes will be biased towards the solar

limb, thus hotter flux tubes will dominate in observations at larger distances

above the solar limb. The second feature is consistent with a mechanism that

enables the heating of ions by low-frequency parallel propagating Alfven wave

in a low beta plasma. The heating mechanism warms via parallel thermal

motions producing phase randomizations, which leads to heating dominant

in the direction perpendicular to the background magnetic field and produces

a large ion temperature anisotropy. The third feature can be interpreted in

terms of large-scale systems of closed loops forming the base of the helmet

streamer, with bulk plasma motions along the loop systems, and regions of

different temperatures dominating the signal from different channels.

This interpretation is consistent with our spectrometer measurements as

the coolest ion, Fe X, dominates at low distances and weakens in DN most

rapidly with increasing height. Additionally, the warmest ion, Fe XIV, main-
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tains a more evenly distributed DN overall and becomes dominant at larger

distances above the solar limb. Consistent thermal broadening of Fe XIV in

Figure 2.14 also supports the interpretation of an isothermal flux tube with a

consistent temperature & density structure extending farther than the other

Fe ions.

The three spectral lines show strong deviations in Doppler velocity within

the first 0.4 R⊙ above the limb for Fe X and XI. For Fe X, the line of sight

velocity near 0.2 to 0.3 shows motion in the opposite direction of overall

rotation and could be understood as a large loop structure extending from

the photosphere on the side facing the Earth with plasma flowing temporarily

down the loop. Similarly for Fe XI, the line of sight velocity near 0.1 to 0.4

R⊙ moves much faster than overall rotation. This could be interpreted as

the same type of loop structure with descending plasma on the rear side of

the photosphere. The size of such loop structures could be similar in size

to those within the helmet streamer, but from an Earth observer’s point of

view they would not extend as far in distance above the solar disk. This

hypothetical orientation of magnetic loops is consistent with the DN of Fe X

and XI decreasing more rapidly than Fe XIV, as shown in Figure 2.13.

The interconnectedness of magnetic loops, shown in Figure 2.16 in en-

hanced ultraviolet imagery, makes it difficult to distinguish individual loops.

This may also account for the prevalence of Fe XIV at the low corona as

the overall most common Fe ion during our observation. These intertwined

loop structure implies that ionization is a result of reconnection or ‘snapping’

of magnetic field lines and thus induces ionization, rather than the kinetic

temperature alone.

The strong overall nature of magnetism in helmet streamers leads to

the possibility that the coronal rotation is decoupled from the photosphere

and more likely is tied to rotation rates deeper within the convection zone.

Since our coronal measurements suggest super rotation with respect to the

photosphere, this result is consistent with Poynting-Robertson-like photon

induced drag as described by Kuhn et al. (2012). In this model the core and

radiation zone are treated as a mechanically ’solid’ radiating body without

fluid motion, so as photons scatter within the plasma there is no net change
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Figure 2.16: A context image from SDO/AIA on 02 July 2019 at 20:40 UT.
All seven SDO/AIA channels contribute to this composite, with the tem-
perature response of each channel between 0.05 and 7.0 MK specifying that
channel contribution to the red, green, and blue color channels of the output
images. The image is processed with Multiscale Gaussian Normalization to
enhance fine-scale structure (Morgan & Druckmüller, 2014)

.
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in angular momentum overall. As photons diffuse outwards to the fluid-like

convective zone, they interact with moving plasma and result in a net loss of

the plasma’s angular momentum as they radiate away at the surface. This

effect produces a mild braking force within the plasma that is most efficient

at the outer edge of the Sun, while deeper layers that govern the magnetic

fields which extend out to the corona are not slowed down.

Normally, the brightness of the solar disk drastically overwhelms attempts

at ground-based observation of the solar atmosphere due to scattered light.

This makes observing the lower corona in visible wavelengths a challenge. In

the absence of a coronagraph instrument, it is only during the brief moments

of a total solar eclipse that there is an opportunity to directly measure visible

light spectra of the corona without contamination from the solar disk. In

this study, a high-resolution spectrometer was built to measure the spectral

lines of Fe X, XI, and XIV ions. The equilibrium temperatures of these

ions, ranging from 0.9 to 1.9 MK, are thought to be representative of overall

coronal temperatures. This study is a proof-of-concept, and shows how a

relatively low-cost instrument, used during an eclipse, can provide valuable

diagnostics. Coupled with a coronagraph system on a space mission, such an

instrument can provide routine measurements that would greatly increase our

understanding of the complex low corona. Such an instrument would have

the benefit of increased exposure duration, enabling far higher signal-to-noise,

and diagnostics to distances considerably beyond those gathered during the

eclipse. Measurements of intensity, line widths, and Doppler shifts, compared

between the three visible lines from the same ion, and available over extended

periods of time, can give insights into the structure and dynamics of the lower

corona, and in particular the nascent slow solar wind in helmet streamers.



Chapter 3

Post-CME spectroscopic

observations during the 2020

total solar eclipse

3.1 Introduction

The brief moments of visible light observations made during total solar

eclipses have provided great insight on the nature of the solar corona. Unfor-

tunately, most of the key dynamics that are of great interest to space weather,

such as CMEs, solar flares, and prominence eruptions go unobserved due to

poor timing. Additionally, ground based observations are plagued by vari-

able sky conditions ranging from intensity variations being unreliable, to

unknown effects of dust on scattered light, to full obscuration by clouds as

was the case for nearly every science expedition during the 2020 total solar

eclipse. Despite these difficulties, the wealth of rare solar phenomena that

could potentially occur during the couple of minutes of totality have inspired

observers to uncover the various processes that heat the corona to millions

of degrees. The low corona’s spectral diagnostics prior to solar flares and

CMEs are of key interest to space weather monitoring efforts, such as pre-

flare brightness & dimming of various wavelengths, the distribution of ion

73



74 CHAPTER 3. 2020 TOTAL SOLAR ECLIPSE

temperatures, thermal structures within magnetic loops, plasma density at

varying heights, and Doppler velocities, which are aimed at predicting these

interplanetary events. Presently, within the visible light range these spectra

are only measured in high resolution by ground-based telescopes which are

limited by Earth’s atmosphere.

Space-based instruments are not hindered by sky conditions, although

they typically only operate in EUV and X-Ray wavelengths in the lowest

R⊙ due to the technical limitations of observing visible light emission lines.

However, until a coronagraph capable of measuring very near to the solar

limb is launched, such as the planned Visible Emission Line Coronagraph

onboard the Aditya-L1 spacecraft, ground-based instruments during total

solar eclipses have remained our only opportunity to make spectroscopic

measurements of the most dynamic region of the corona.

Narrowband visible light imagers have been used by several prior obser-

vation campaigns for decades and they typically reveal intensity diagnostics

within the corona. Polarizing imagers, as the name suggests, effectively mea-

sure the polarization and shape of the corona. Although, the short time

duration of totality does not allow imaging to capture the highly temporal,

dynamic nature of the solar atmosphere in any great detail. Thus, high res-

olution spectroscopic measurements of coronal ion emission lines remain the

most effective method for characterizing plasma velocities and temperatures

within the corona.

Our first successful spectroscopy expedition occurred during the 2 July

2019 event with a 3-channel device focused on emission lines from Fe XIV, X,

and XI, or 530.3, 637.4, and 789.2 nm, respectively. During preparation for

the following total solar eclipse, I requested several changes to our spectrom-

eter design, such as improved internal light insulation, adjusting the white

light camera to provide improved contextual alignment, adjusted exposure

timings to aim for stronger DN in lieu of spatial resolution, improved thermal

management to reduce noise, added automated tracking to cover both sides

of the corona, and improved portability to ensure local conditions would not

limit our campaign. For the 2020 total solar eclipse observation, I chose to

continue observing the same spectral lines and spectral field of view, which
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represent plasma temperatures of 0.9 to 1.9 MK and ≈10 R⊙ along the spec-

trometer slit in the hopes of gaining improved results in similarly calm corona

compared to the 2019 total solar eclipse observations.

Instead, the conditions of the solar atmosphere were highly dynamic with

multiple prominences, and a non-flaring CME occurring ≈110 minutes prior

to totality. Non-flaring CMEs are of special concern as a space weather haz-

ard, because strong solar flare signatures are easily observed and typically

provide a somewhat accurate origin point and direction that CMEs will fol-

low. Without a strong origin flare, crucial hours are lost in preparation for

the arrival at spacecraft orbiting Earth and other parts of the solar system.

Thus, this study aims to fill the observational gap between round-the-clock

space-based instruments with an efficient wire frame model based on the

spectral results presented in this chapter.

Section 3.2 describes the spectrometer and data collection of the three

Fe ion measurements in the low solar corona. Section 3.3 covers the spectral

analysis, with emission line calibration and analytic methodology in section

3.3.1. Spectral results for line of sight Doppler velocities are shown in section

3.3.2, thermal broadening temperatures estimated from FWHM are shown

in section 3.3.3, and a brief interpretation of these results are covered in

section 3.3.4. Section 3.4 describes how the spectral analysis results are

incorporated with other data to simulate the CME that occurred prior to

totality. Multi-scale Gaussian Normalization (MGN) of spacecraft images

are used to identify the CME footprints in section 3.4.1, parameters collected

from The Large Angle and Spectrometric Coronagraph (LASCO) constrain

the velocity at the time of totality in section 3.4.2. A wire-frame, geometric

CME model is described in section 3.4.3 and the parameters are all combined

with simulation results in section 3.4.4. Section 3.5 presents a discussion on

the coronal context. Section 3.6 provides a brief summary of major results

and implications.
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3.2 Instruments and data collection

The total solar eclipse was on 14 December 2020 at 16:07 UTC time in rural

Neuquén province, Argentina at 39°42’40.4”S 70°23’57.6”W. Conditions were

dry and windy with gusts up to 70 km per hour with a mostly clear sky.

Despite the difficult conditions for humans, the conditions did not affect

the performance of our device. The Sun was at a zenith angle of 14.2° so

atmospheric scattering was comparatively low. Totality lasted 129 seconds,

with a wispy, transparent cloud passing across the solar disk for ≈12 seconds.

The cloud only temporarily scattered light during a non-critical portion of

the data collection, and Fe ion spectral emissions are not absorbed by water’s

infrared spectra since our spectrometer measures these ions in visible light.

The instruments used in this study are:

1. 3-channel spectrometer with white light context camera. The primary

instrument was very similar to the device from the previous year’s

total solar eclipse in Chapter 2. Modifications were made to get a

significantly larger field of view of 6.7 R⊙ for the white light context

camera and the exposure timings were adjusted to 1.5, 1.5, 6.0 seconds,

with 0.001 second exposures for white light. This allowed for strong

spectral DN measurements, compared to the previous expedition, at

the cost of reduced spatial resolution.

2. The SDO/AIA ultraviolet cameras. This instrument provides fine scale

temporal and spatial resolution of the Sun, in which SDO/AIA 131

was especially useful to isolate the near-photospheric location of the

CME. Data was downloaded and the initial event appears to have been

detected at 14:19 UT located at -29°, -50°coordinate just above the

solar surface.

3. LASCO C2 coronagraph on board the The Solar and Heliospheric Ob-

servatory (Brueckner et al., 1995). The instrument captures extended

coronal white light data at a minimum distance of 2.2 R⊙. This data

was used to help constrain tangential velocities of the CME shock front

in a simulation.
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3.3 Spectral analysis

3.3.1 Spectrometer methodology

The spectrometer was oriented on an equatorial mount that was solar aligned

via a compass, bubble level, and a plumb bob to give reference to the south

celestial pole point. Active tracking was utilized to scan at a speed similar to

diurnal motion. This was necessary to keep the Sun aligned near the center

of the field of view, as well as pan across the leading and trailing side of the

corona during the brief moments of totality. The switch between the leading

and trailing side was performed manually, which resulted in an uneven offset.

Spectroscopic analysis was carried out using the method developed from

the previous year in Chapter 2. A brief overview of the calibration methodol-

ogy consists of flatfield and darkfield corrections made within an integrating

sphere, next small sections of the images undergo convolution smoothing to

reduce noisy artifacts. Cross-calibration of the brightness of the 3 chan-

nels is carried out with an integrating sphere, which produces an continuous

spectrum of even intensity. Data produced during these calibrations was very

similar to the prior expedition, indicating that spectral images from the total

eclipse were not affected by instrument degradation.

Within each spectral image, the wavelengths of interest are found spatially

in conjunction with neutral Neon and Krypton gas calibration lamps. Once

the location of the wavelength is found within the image, it is isolated and the

shape of any distortion is automatically found. Typically, our spectrometer

produces a circular artifact known as an optical ’smile’, which is corrected

via trigonometric repositioning of pixels to straighten the lines vertically.

Spectral analysis begins by choosing a vertical strip of ≈80 pixels, where

the spectral Fe ion signal is roughly located, and scanning line by line to

automatically fit a Gaussian function. Upper and lower thresholds aim to re-

duce extraneous fits that are typically the result of oversaturation and single

pixels that are likely not true spectral signals. The successful Gaussian func-

tion fits appear similar to an idealized emission spectrum and the following

fit parameters are stored for further analysis: amplitude, Gaussian center,
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Figure 3.1: A contrast enhanced version of the context camera’s view during
totality. The dark vertical line is the spectral slit and bright vertical lines are
due to internal scattering. Blue boxes represent the areas of spectrometer
measurements. The leading side is the box on the left, trailing side is the
box on the right. Solar north pole is pointed downward.

and FWHM.

In Figure 3.1, the context camera captured the overall orientation of the

spectral slits with regard to the Sun as it panned across the corona1. Since

the observation occurred in the southern hemisphere, the solar south pole

is oriented upwards in our images and analysis. By checking the positions

of the dark spectral slit within each white light context image, the spectral

images taken at the same moment were able to be mapped accurately. The

blue boxes in 3.1 show the areas where the spectrometer panned across the

corona. In this orientation, the Sun moved horizontally towards the left

as the spectrometer panned across, so the spectrometer sides are called the

”leading” and ”trailing” sides, which are left and right, respectively. Just

1Video available at https://youtu.be/zjVTI3PMhsk

https://youtu.be/zjVTI3PMhsk
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outside of the trailing box, on the upper right side is a thin line outlining the

CME which was used to confirm that the solar south pole is directly up in

this image.

3.3.2 Line of sight Doppler shift

The Gaussian shapes are considered analogs to spectral signatures, and the

parameters of each Gaussian are used to create visual maps of intensity and

other diagnostics of the corona. Parameters such as amplitude are considered

an analog to emission intensity of each plasma ion, the Gaussian center is an

analog to the centralized wavelength position used in line-of-sight Doppler

shift, and FWHM is an analog to thermal broadening due to ion temperature.

In all spectral analysis figures in this chapter, it should be noted that the

center of the solar disk would be located at 0 R⊙ and negative R⊙ indicate

that the measurement was taken on the leading side of the solar center as

shown in Figure 3.1. Roughly ≈4 R⊙ vertically-centered around the solar

equator are used in this analysis, as spectral signal beyond this distance

were too weak to be measured during the exposures.

Figures 3.2 and 3.3 show that intensity is greatest near to the solar equator

in both the leading and trailing maps. The few bright, consistent, horizontal

lines across each of the maps are thought to be due to scattered light resulting

from damage to the spectral slit from dust blowing into the spectrometer and

creating extraneous Gauss fits.

The leading side maps in Figure 3.2 appear to be a relatively calm corona,

with an intensity distribution similar to the 2019 total solar eclipse measured

in Chapter 2. The green Fe XIV ion measurements, which correspond to

an equilibrium temperature of 1.9 MK, show that coronal intensity extends

to -2.0 R⊙ (or 1.0 R⊙ above the solar disk) until DN becomes weak and

the vertical distribution of Fe XIV plasma is slightly biased toward the top

half of the map. Fe XI ion measurements, in red and corresponding to an

equilibrium temperature of 1.3 MK, are mostly missing, except for a weak

DN measured at 0.5 R⊙ above the equator. The orange Fe X DN is the

strongest overall on the trailing side, with an equilibrium temperature of 0.9



80 CHAPTER 3. 2020 TOTAL SOLAR ECLIPSE

Figure 3.2: Maps of emission line intensities for Fe XIV (left, green), Fe X
(center, orange), and Fe XI (right, red). All axes units are solar radii which
originate at the solar center and map the leading box shown in Figure 3.1.
The horizontal dashed line shows the location of the solar equator.

MK, extends to at least 1.5 R⊙ above the solar disk as a long thin feature

on the upper half around the deep orange horizontal artifact. The radial

intensity of Fe XI away from the solar center appears to drop off normally.

The long thin feature was not measured in any other spectral cameras or

contextual images.

Figure 3.3 displays the trailing side emission intensity mapped about 2

hours after a CME occurred. The primary factor for intensity being signif-

icantly greater is due to the near-disk proximity of the measurements, as

shown in Figure 3.1, although the relatively intensity is generally greater

overall on the trailing side. Additionally, there is a bias in intensity on the

upper portion of the map, likely due to the heavily disturbed post-CME

corona. A small amount of jitter occurred on the entire spectrometer at

≈0.9 R⊙ in the equatorial direction due to a strong gust of wind, and show

a vertically perturbed signal in all channels.

In Figure 3.3, the green Fe XIV map displays the greatest amount of

coronal structure, with two points of high intensity measured at 0.7 and -0.2
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Figure 3.3: Maps of emission line intensities for Fe XIV (left, green), Fe X
(center, orange), and Fe XI (right, red). All axes units are solar radii which
originate at the solar center and map the trailing box shown in Figure 3.1.
The horizontal dashed line shows the location of the solar equator.

R⊙ vertically. These two areas correspond with bright prominences shown in

contextual images published in Boe et al. (2021). Fe XIV, the ion with the

hottest ion equilibrium temperature intensity extends the most toward the

upper right portion of the map, directly following the path of the CME.

The red Fe XI map in Figure 3.3 shows less structure, due to the lower

spatial resolution as a result of longer exposure times. Despite the weakened

resolution, a brighter patch near 0.7 R⊙ vertically, which is similar to Fe

XIV. The lower area is brighter as well, although the bright patch near 0.2

R⊙ vertically is not resolved well enough to see clearly.

The coolest equilibrium temperature ion we measured, Fe X in orange,

shows a much more radial distribution of intensity in Figure 3.3. It also

has the strongest intensity measurement overall, yet is more confined toward

the solar disk. There is a slightly more extended bright area at 0.7 R⊙

vertically, but the coronal structure is less well defined. Additionally, at 1.3

R⊙ vertically and 1.2 R⊙ horizontally, the corona appears to extend radially

outward as a bright strip that follows the CME path.
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Figure 3.4: Plots of emission line intensities for Fe XIV, Fe X, and Fe XI
in green, orange, and red, respectively in units of DN vs. R⊙. (Left) The
leading side equatorial dashed line shown in Figure 3.2. (Middle) The trailing
side equatorial dashed line shown in Figure 3.3. (Right) A plot at 0.7 R⊙
vertically in Figure 3.3. Missing data is due to poor Gauss fits.

An important note for all trailing side spectral results within Figures 3.4,

3.5, 3.6, 3.7 and 3.8 is illustrated best in Figure 3.3, which shows the effect of

the Moon’s obscuration during totality on the left side of the intensity maps.

For measurements across the solar equator below 1.0 R⊙, and measurements

across the CME footprint (0.75 R⊙ vertically in Figure 3.3) below 0.8 R⊙,

the fitting routine consistently identified very low intensity spectral signa-

tures and subsequently calculated very large Doppler velocities & thermal

broadening. These Moon-obscured measurements are not coronal in nature

and are included for completeness, but are likely due to an unaccounted

instrumental effect, light scattering, or atmospheric phenomenon. The low

intensity of these spectral signatures has a negligible effect on the coronal

results since they differ by several orders of magnitude.

Figure 3.4 shows intensity plots of the solar equator on both the leading

and trailing sides of the Sun, as well as a plot centered on 0.7 R⊙ above

the equator on the trailing side. This last plot is was chosen since it is the

footprint of the CME occurred here, which is later discussed in Section 3.3.4.

The unfortunate result of scanning the spectrometer high above the solar disk

on the leading side is that DN is too low across this region of measurement.

Signal intensities of low DN, such as less than 100, result in Gaussian function

diagnostics which have been omitted due to low confidence with our current

spectral analysis methods, so the focus of this study is on the CME side.

Figure 3.5 displays the centralized wavelengths and line of sight velocities

along the solar equator on the trailing side of the corona, the solar disk was
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Figure 3.5: (Top left) Doppler shift spectra of the trailing side along the
horizontal dashed line representing the equator in Figure 3.3, of Fe XIV in
green, Fe X in orange, and Fe XI in red lines as a function of distance.
Gaps in data are due to a failure in fitting the line profiles to Gaussians.
The expected stationary wavelength of each Fe ion is represented at 0 nm.
The other single color panels show the conversion of the Doppler shift into
a line-of-sight Doppler velocity for (top right) Fe XIV, (bottom left) Fe X,
and (bottom right) Fe XI. The shaded regions show estimated sigma error
given by the same fitting routine, and based on measurement error. The grey
dashed line is a reference for solid body rotational velocity based upon the
Carrington rotation rate.
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Figure 3.6: Same as Figure 3.5 Doppler shift measurements, but oriented at
the footprint of the CME. This is a horizontal line of measurements taken at
≈+0.75 R⊙ vertically in Figure 3.3.

located to the left of this plot and centered at 0 R⊙. The dashed line is used

as a reference point for solid body rotation, set to 1.9 kms−1 at 1.0 R⊙.

Unlike the 2019 corona during totality, which was at a solar minimum and

primary structure was a large helmet streamer with plasma motion below 12

kms−1 (see Chapter 2), heavy disturbances to the 2020 corona prior to total-

ity shows plasma motion via Doppler shift estimates in the super rotational

direction across all three channels at the lowest 0.1 R⊙ on the order of 20-35

kms−1.

Elevations above 1.1 R⊙ show that line of sight velocities begin to syn-

chronize across all three Fe ions, suggesting that the primary post-CME

disturbances were limited to the near surface. While Fe XIV and XI, which

are the ions associated with higher equilibrium temperatures, seem to fol-

low solid body rotation rates closely, the cooler Fe X Doppler estimate lags

behind separately from the other two ions. It should be noted that large

measurement errors make exact assessment difficult for the majority of of

the trailing side measurements.

Figure 3.6 shows a generally similar looking Doppler shift distribution

across the corona with the measurements beginning near the footprint point
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of the CME. The majority of measurements beyond 0.9 R⊙ (as organized

horizontally in Figure 3.3) show considerable stability in spite of the recent

CME event. This is surprising as post-CME dynamics appear to have relaxed

quickly except for nearest to the solar limb. Fe XI has peak line of sight

velocity measurements at the solar surface of ≈35 kms−1 and then reduces

toward coronal rotation rates. For Fe XIV, the velocity increases to ≈50

kms−1 across a greater range of elevation to 0.05 R⊙ above the solar limb.

Fe X shows no indication of deviating from coronal rotation rates at any

coronal height. High measurement errors, which are indicative of the central

location of the Gaussian peak, can be attributed to the broadening shape of

emission spectra in the post-CME environment.

The Doppler velocity estimates of 100+ kms−1 which occur in areas ob-

scured by the Moon are not coronal in nature. Manual inspection show

that these are real spectral features, but they would have a negligible effect

on the much stronger coronal results, and are likely due to an unidentified

instrumental effect or measurement of Earth’s atmosphere.

3.3.3 Thermal line width broadening results

Figure 3.7, and 3.8 show the FWHM of all three Fe ion channels, which

is taken as a proxy to ion temperature and interpreted as a measure of the

random kinetic motions of the bulk plasma. The result is that the line profile

of many plasmas moving in different directions cumulatively make the central

ion peak for the entire group more difficult to distinguish and the line width

broadens.

At low elevations, Figure 3.7 shows a wide distribution of FWHM and

ions temperature measurements across the solar equator region. Fe XIV is 7

to 9 MK in the lowest 0.1 R⊙, while stabilizing to 6 MK for the remainder

of the measured region. Fe X and XI begin near 3 MK and generally rise,

as elevation increases, to 6 MK at the final measured height of 0.5 R⊙ above

the solar limb.

The coronal measurements across the higher portions of the corona are

similar across all three channels, a result which differs from the 2019 total
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Figure 3.7: (Top left) The FWHM of the Fe XIV in green, Fe X in orange,
and Fe XI in red lines as a function of distance along the horizontal dashed
line of Figure 3.3 representing the solar equator. Gaps in data are due to
a failure in fitting the line profiles to Gaussian shapes. The other panels
show the direct conversion of the FWHM into Doppler-broadened equivalent
temperatures for (top right) Fe XIV, (bottom left) Fe X, and (bottom right)
Fe XI. The shaded regions are the estimated sigma errors, given by the fitting
routine, and based on the measurement error.
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Figure 3.8: Same as Figure 3.7 FWHM measurements, but oriented at the
footprint of the CME. This is a horizontal line of measurements taken at
≈+0.75 R⊙ vertically in Figure 3.3

solar eclipse measurements with the same spectrometer. The prior year esti-

mated temperatures of 6, 4, and 4 MK, for Fe XIV, X, and XI, respectively,

and measurement errors in 2019 make it possible that thermal broadening

was the same. In this year’s measurements, FWHM errors are very small

compared to the prior year’s total solar eclipse in Chapter 2, and difficult to

distinguish from the plotted black line, due to improved light sealing within

the device and longer exposure times.

Figure 3.8 displays the FWHM for a horizontal line of measurements

across 0.75 R⊙ vertically in Figure 3.3, this is oriented to be starting from

the base of the CME footprint and extending directly toward the right. As

Figure 3.4 shows, by 0.8 the DN is high enough to have confidence in the

measurements. Thus, the considerably higher Fe XIV measurement of nearly

15 MK is surprising, although it drops to 7 MK at 0.9 R⊙ before peaking

again at nearly 9 MK at 1.0. Greater elevations of Fe XIV are notably higher

than those along the solar equator, which is consistent with a region that has

recently experienced a solar flare, as shown in Figure 3.9. Fe X and XI also

start relatively cooler, at 4 and 3 MK, respectively, then they gradually rise

to 6 MK over the next 0.5 R⊙. Generally, this portion of the corona measures
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Figure 3.9: The solar flare as observed by SDO/AIA 94 at 14:09:00 UT with
a derived position of -23° -50° in heliographic coordinates. The solar north
pole is oriented downward in this image.

hotter than near the equator.

3.3.4 Interpretation of spectral analysis

120 minutes before totality, a C4.0 solar flare (soft X-ray peak flux of 4 ×
10−6 W/m2) from active region 12792 as seen in Figure 3.9 erupted and

initiated a CME. Typically, a solar flare must have a peak flux of 5 × 10−5

W/m2 to generate a space weather alert, so CMEs are not typically expected

from weak flares. The energy released from the flare on the trailing side

of the Sun produced a hydrodynamic shockwave that propagated globally

across the photosphere, and likely perturbed the entire low corona, including

the opposing side of the Sun (Nindos, A. et al., 2011). Prior studies have
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estimated shockwaves moving from 800 to 2000+ kms−1, or typically ≈3

times faster than the associated CME (Chen et al., 2002; Nindos, A. et al.,

2011; Kumar et al., 2016). Given the time between the initial solar flare

and our totality measurement, shockwaves would only need to travel at a

minimum speed of 600 kms−1 to perturb plasma on the leading side of the

Sun. A typical flare induced shockwave speed of 1000 kms−1 would mean

that the blast wave could nearly have circumnavigated the entire solar globe

and contributed warming to the entire corona. This interpretation helps

explain the generally warmer corona compared to prior years, especially in

the region where the flare and CME occurred.

Doppler shifts in the very low corona at the solar equator, in Figure

3.5, show super rotational plasma velocities, which is possibly due to resid-

ual shockwave perturbations exciting the region. Normal coronal rotation

should be highest along the equator and the positioning of the CME would

have been likely to push plasma here in the opposite direction as it expands.

Thus, a circumglobal shockwave across the photosphere and low corona at

the moments of totality can explain why all three Fe ions show similar su-

per rotational velocities. The CME front is not considered for bulk plasma

motion since the expanding magnetic field did not cross the solar equator at

this low elevation according to Boe et al. (2021).

The Doppler shift measurements begin at the footprint of the CME in

Figure 3.6, where normal coronal rotation rates are slower at similar eleva-

tions. Instead the measured line of sight velocities for Fe XIV and XI are

high nearly 2 hours after the CME initiated. When considering a CME as

an expanding flux rope (Jiang et al., 2016), a front of high density plasma is

pushed outwards as the flux rope grows in size and carries local plasma away

leaving behind a mostly plasma-empty cavity. At the time of totality, the

CME front would have been traveling at much higher line of sight velocities

than 50 kms−1, so a continually expanding flux rope carrying along mag-

netic field and plasma behind it is the best interpretation for the discrepancy

between Fe XIV and XI contrasting with Fe X.

Figure 3.6 shows that the cooler Fe X has no significant Doppler shift near

the CME footprint, and Figure 3.4 shows that this CME footprint region has
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lower intensity compared to the equatorial region. Thus, it’s likely that the

hotter ions, Fe XIV and XI, are measured as part of the CME shock front

and the cooler Fe X is part of the background helmet streamers. This can

explain why Fe X intensity drops off more slowly at higher elevations near the

CME footprint, as more Fe X isothermal loops would be present compared

to warmer Fe ions which were pushed away. Near the solar equator, the

hottest ion Fe XIV seems to more abundant at higher elevations, which can

be attributed to being pushed towards this region as part of the CME shock

front.

FWHM measurements also align with this interpretation, as background

plasma appears to match normal coronal temperatures which are similar

to previous measurements, whereas the lowest portion of the corona below

the footprint shows at very hot Fe XIV ions which are likely perturbed and

falling downwards through an exceptionally low-density region after the CME

pushed most plasma away. Fe XIV ions peak at 14 MK is in Figure 3.8,

at 0.8 R⊙, and this is consistent with prior post-flare measurements (Polito

et al., 2015).

3.4 Coronal mass ejection simulation

The following section outlines further parameters obtained for the CME from

other instruments and databases.

3.4.1 Multi-scale Gaussian Normalization of

SDO/AIA images

The location of the CME footprint was located by searching through high

resolution, short cadence images from the SDO/AIA instrument, primarily

SDO/AIA 131, at the approximate time and location of the aforementioned

C-class solar flare. SDO/AIA 131 measures at 13.1 nm, which is the wave-

length associated with Fe XX emission. The equilibrium temperature of Fe

XX is 10 MK, which makes it comparatively dim to other instruments on

SDO, but is especially useful for identifying high energy interactions where
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Figure 3.10: MGN enhanced SDO/AIA 131 images of the flare region (left) at
the time of detection in SDO/AIA 94 in Figure 3.9, (middle) at the first sign
of a rapidly expanding coronal loop is visible at 14:19:30 UT, and (right) 2.5
minutes later to show the propagation toward the right side of the image. The
image orientation matches the spectrometer measurements, with solar north
pointed down. Arrows denote the spots where the coronal loop reaches the
surface and a thin white curve illustrates the shape of the expanding CME.

plasma temperature rises rapidly.

To improve visibility of the diffuse plasma in the images, we used MGN

which was developed by Morgan & Druckmüller (2014) for processing solar

images. The technique normalizes at several different spatial scales across an

image to reveal enhanced fine scale information. This is especially useful for

distinguishing diffuse coronal features like this CME against the bright back-

ground near to the solar surface. SDO/AIA 131 captures images filtered at

13.1 nm and was used in MGN enhancement due to the camera’s association

with Fe XX and Fe XXIII at temperatures greater than 10 MK, which are

good representatives of the temperatures in flares and highly excited coronal

plasma.

Figure 3.10 shows the initial expansion of the coronal loop into a CME via

MGN enhanced images of the SDO/AIA 131 camera. The flare occurred at

14:09 UT, and is located between the two arrows that mark the spots where

the coronal loop reached the surface. In animations2 of Figure 3.10 it is clear

that the white arrow is continuously connected with the CME shock front,

noted by the white curved shape. The exact location of the yellow arrow

for the coronal loop’s connection to the surface is less clearly associated in

2Video available at https://youtu.be/aHvUsCDUtmI

https://youtu.be/aHvUsCDUtmI
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Figure 3.11: (Left) Composite image of (red) LASCO C2 and (blue)
SDO/AIA 131 at the beginning of totality. The CME is in the upper right
portion of the image, beyond the 2.2 R⊙ inner edge of the LASCO C2 coro-
nagraph. Solar north is down. Credit: ESA/Helioviewer. (Right) CACTUS
derived velocity distribution, with the automated position angle set to 99°
away from North.)

animations, due to diffuse nature of the loop compared to the brightness of

the flare immediately adjacent to it, so this is the best approximation via

manual inspection.

The central point between the two arrows in Figure 3.10 and the curved

white shape of the CME shock front are used to estimated position of the

CME footprint, which is -29° , -51° in Stonyhurst heliographic coordinates.

The solar north pole is oriented upwards in this image to correspond to

spectrometer measurements’ orientation. Further animations show that the

CME does not propagate radially and instead is deflected towards the equa-

tor, which was also observed in recent analysis of this CME by Boe et al.

(2021).

3.4.2 LASCO C2 observations of the CME

LASCO C2 is a white light coronagraph on the SOHO spacecraft that mon-

itors the solar corona at a minimum of 2.2 solar radii. The data availability

of LASCO C2 is cadence limited, so data displayed in Figure 3.11 is the

≈3 minutes after totality began, and is presented to illustrate the size and

position of the CME in white light erupting away from the solar surface.
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The LASCO CME Catalog (Gopalswamy et al., 2009) generates a monthly

archive of CMEs detected in LASCO C2’s field of view, among other instru-

ments, and makes linear fit estimates of the propagation speed projected

tangentially as well as the direction that the CME transverses. In the cata-

log, it first appeared at 15:12:10 UT at 2.2 R⊙ with measurements for linear

speed of 437 kms−1, final speed of 480 kms−1, CME width of 88° and di-

rection of 59° clockwise from the top of the image. The CACTUS CME

catalog uses automatic detection described in Robbrecht, E. & Berghmans,

D. (2004) and estimated 359 kms−1 as the median velocity, CME width of 68°
and CME direction of 81° clockwise from the top of the image. The median

velocity described in CACTUS is a measure of the velocity over the entire

width of the CME, and this particular automated detection includes slow

moving background corona. Thus, I chose to only use the velocity associated

with the CME direction, marked as 99° away from North in the Figure 3.11

graph (same as 81° clockwise from the top of the image), which is 490 kms−1

and very similar to the final speed from the LASCO CME Catalog value.

3.4.3 Bridging the data gap with the croissant model

To bridge the parameters derived from the SDO/AIA, LASCO C2, and our

spectrometer data, we adapted a wire-frame flux rope synthetic CME model

developed by Hutton & Morgan (2015) to reproduce the location, structure,

and velocity of the observed CME during totality. The model consists of

a tubular shape of variable radius with 2 footprints that appears similar in

shape to the crescent shaped French pastry, or croissant, that bulges out from

thin tips that attach to the solar surface to a thick center. This “croissant

model” is geometric in nature and attempts to qualitatively match image data

from coronagraphs to estimate parameters, but does not contain the magnetic

physics required to be considered a true flux rope magnetohydrodynamic

simulation. The benefit of this approach is that the code runs efficiently on

a personal computer and produces image products that look similar to those

from LASCO C2.

Figure 3.12 shows the general helical shape of the model. The inner
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Figure 3.12: Example synthetic croissant model. (Left) A simple rendering
of the wire-frame structure. (Right) The same model, but now containing a
random distribution of points. These are rendered with the Sun represented
as the inner central circle surrounded by cross-hairs and the larger circle
representing the occulting disk of LASCO C2, which obscures where the
pair of CME footprints reaches the surface. Figure obtained from Hutton &
Morgan (2015)
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boundary of the croissant model is determined initially in Cartesian space

by:

y = sin(t)[1− exp(−|t|α−1)]) (3.1)

z = 0.5(1− cos(t)) (3.2)

x = 0 (3.3)

where t is a parameter limited to −π to π that controls the overall shape.

The helix that connects the footprints is described by:

xh = wbsin(
2sπns

smax
) (3.4)

zh = wh[1 + cos(
2sπns

smax
)] (3.5)

where s is the length of the path along the inner boundary of the shape,

smax is the length along the outer boundary, wh is the width of the helix,

and ns is the total number of helix turns. Rotations are applied to xh and

zh to align correctly with the inner boundary, then the helix coordinates are

added to the inner boundary axes in the equations 3.1, 3.2, and 3.3 to set

points on the surface of a wire-frame CME. The CME-like shape expands

radially over time and the field of view may be varied to match a variety of

different spacecrafts.

By choosing a low number of helix turns and a small number of points,

a wire-frame representation of a CME is rendered, as shown in Figure 3.12.

This example wire-frame is set to the field of view of LASCO C2, and a line of

sight integrated white light observation is created by increasing the number

of points to millions, specifying large numbers of helical rotations, and also

adding in random scatter to imitate Thomson scattering. These points are

then summed in columns of line of sight to give values to each pixel and

create a flat 2D image. The process is then applied again at a different radial
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height and time:

r(t) =
α

12
t4 +

β

6
t3 +

γ

2
t2 + v0t+ r0 (3.6)

where r0 is the initial height of the loops, t is time, v0 is the estimate for

the initial velocity, and α, β, and γ are fitted parameters in 3.6. Then croisx

is redefined and the process repeats again until a set height limit is reached.

We set our simulation to propagate from 1 to 10 R⊙. Other parameters

that we set are latitude & longitude to -29°& -50°, respectively, to match our

SDO/AIA 131 estimate. The footprint offset for orientation was also set to

40°clockwise to match the locations estimated in SDO/AIA 131, where 0°is
meridionally aligned. A radial velocity of 700 kms−1 was chosen to match

the visual position of the CME in LASCO C2, the width of the CME was set

to 57.6°to match the region in our FWHM measurements where the thermal

broadening temperatures transition for Fe XIV. A free parameter was also

set to twist the entire CME structure about 9 degrees per R⊙.

The aim of this model is not to fully simulate full MHD, but primarily

to fill in the spatial and temporal data gaps where data is incomplete. As

is the case for all three of our instruments, none of which were capable of

fully capturing the evolution of the CME and parameters were combined to

generate the following images of the CME evolution.

3.4.4 Simulation results

The croissant model renderings in Figure 3.13 are also available as anima-

tions3 that appear visually similar to the images produced by LASCO C2

in Figure 3.11, and adhere to the constraints derived from our spectrome-

ter thermal broadening temperatures and SDO/AIA 131 derived footprint

locations. The simulation velocity measurement of 700 kms−1 was set con-

siderably higher than those ≈485 kms−1 estimated by the LASCO CME and

CACTUS catalogs, this is due to their measurements being set to tangential

to the observer point of view. As part of the SOHO spacecraft, LASCO

C2 sits at the L1 Lagrange point, giving it a point of view very similar to

3Video available at https://youtu.be/faeMeGUcO_A

https://youtu.be/faeMeGUcO_A
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Figure 3.13: A colorized rendering of the croissant model simulation. It
starts 10 minutes after the CME was first detected in SDO/AIA 131, and
progresses at 20 minute intervals until the time of totality at 16:09 UT. The
color scheme was chosen to match that of LASCO C2 in Figure 3.11.

the Earth. Since the CME was determined to originate non-tangentially on

the near side of the Sun, it makes sense for our radially oriented velocity

measurements to be set at higher velocity to reach the same ≈3 R⊙ distance

from the solar disk center by the time of totality at 16:09 UT.

3.5 Discussion

Thermal broadening temperatures estimated by our spectrometer were cooler

across the extended solar equator region in Figure 3.7, but warmer for the

CME footprint cross section measured in Figure 3.8. This was difficult to

fit since LASCO C2 only has data available after the occulting disk at 2.2

R⊙, which makes the equator appear to have been perturbed by the CME.

Our data shows no such warming occurred and the croissant model agrees

with a shape that both crosses the solar equator at ≈3 R⊙ and does not do

so at 1 to 1.5 R⊙. Figure 3.14 also shows an enhanced white light image

which confirms the CME shape with a thin footprint and bulging primarily

occurring only at distances beyond 2 R⊙ from the solar disk center. Thus,

the temporal and spatial data gaps regarding CME structure in white light
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Figure 3.14: A white light Fourier-transformed phase correlation processed
image stacked at the start of totality at approximately 16:09. The CME
structure to the right of the eclipsed Sun is shown to have a thin footprint,
with an expand bulb after 1 R⊙ above the solar limb. Image has been adapted
from Boe et al. (2021) to match the orientation of our study, with solar north
down.
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appear to be filled in via the croissant model simulation.

Doppler shift velocity measurements largely do not show direct signs of

shockwave accelerated Fe ions which are indicative of a CME. According to

simulation results of radially oriented velocity and catalog estimates of bulk

plasma tangential velocity should have approached our line of sight at ≈500

kms−1. The best sign we have of this discrepancy is the large calculated sigma

errors associated with Doppler shift measurements persisting alongside oth-

erwise well constrained Gaussian characteristics. For example, FWHM and

intensity contain small error, similar to the 2019 results, but Doppler shift

measurement error was approximately 2 orders of magnitude greater during

this year’s total solar eclipse. Interestingly, the Gaussian fitting procedure

found the largest error associated with Fe XIV, which is the warmest of the

3 ions we measured and likely to be more abundant in a hot, temporal event

where collisions with electrons make recombination more commonplace.

An alternative solution is more basic to ground-based observations: clouds.

While the sky was visually clear, a small set of clouds passed through the

middle of the leading side measurements in a cell phone video of the event.

These were not resolved in the context camera view due to DN oversatu-

ration across the majority of the observation, but they do appear as large

vertical lines in the intensity maps of Figure 3.2, which are noticed around

-2.1 R⊙ in Fe XIV and Fe X. Unfortunately, it was expected that this feature

was not visible in the Fe XI channel, since it tends to have the weakest DN

measurements overall due to its placement within the spectrometer optics

and susceptibility to infrared absorption in the atmosphere. The resulting

anomalous signals in the leading side also may explain why Gaussian signals

were found on the solar disk during totality, which should have been totally

dark. Excessive scattering that affected our ion emission measurements may

have also made it impossible to detect the signal from the diffuse shock front

of the CME.

Nevertheless, a combination of instruments, both space- and ground-

based gave us an opportunity to constrain the overall shape and dynami-

cal evolution of a CME as it propagated away. In addition to the results

presented here, other features, such as Mg II and Fe II within coronal promi-
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nences were also observed and are to be analyzed in future studies using this

data set. With new space telescopes, such as Solar Orbiter, and an expand-

ing list of ground based observational tools at the disposal of solar physicists,

full characterization of CME evolution is closer than ever.

3.6 Summary

The Sun is in the early phase of Solar Cycle 25, so the solar magnetic field

is evolving rapidly, with plenty of activity to explore compared to our prior

expeditions. The day of the eclipse included a CME, solar flare, several

prominences, and helmet streamers. Coronal prediction models (Mikić et al.,

2018) that were created a month before the eclipse saw increases of 50%

surface magnetic flux within two weeks of totality and the corona changed

significantly in the days leading up to our expedition.

Total solar eclipses are an important opportunity to field test novel ob-

servational tools in visible light and we made high resolution spectral slit

measurements at 530.3, 637.4, and 789.2 nm, which correspond to Fe XIV,

X, and XI, respectively. Each wavelength of visible light showed unique ther-

mal and kinetic dynamics, suggesting that visible light spectroscopy is still

a mostly untapped area of observation for solar physicists.

On 14 December 2020, there was a CME on the near side of the Sun, which

was also observed by SDO/AIA and LASCO and is the subject of our study.

We note that no other scientific groups were able to make it to clear skies to

observe totality, so our spectroscopic and polarization (not yet analyzed) data

were the only ground-based science instruments that successfully observed

this total solar eclipse along its entire path.

Our results show several interesting features of the corona including: (i)

That the CME side of the corona was at least an order of magnitude brighter

than the opposite side of the corona, even when accounting for differing radial

distances. The local energy release from the solar flare and CME just 2 hours

earlier likely resulted in a lopsided brightness distribution. (ii) High line of

sight Doppler shift velocities of 35 to 50 kms−1 were measured at the part

of the solar limb nearest to the CME footprint, but only in Fe XI and XIV
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wavelengths. Solid body rotation appears to be the most common velocity

measurements through the majority of the corona. (iii) Fe X and XI were

typically measured with a thermal broadening of 6 MK across the CME side

of the corona, while Fe XIV reached a peak temperature of ≈15 MK near the

CME footprint and was about 3 MK all further distances compared to the

solar equatorial region of the corona. (iv) Multi-scale Gaussian Normalization

is an effective tool for isolating diffuse features such as the early expansion

of a CME. The CME footprint was determined to be located at -29°, -50°in
Stonyhurst heliographic coordinates, nearly 8°away from the preceding solar

flare. (v) Geometric modeling of CMEs, constrained with parameters from

empirical data, can produce images remarkably similar to spacecraft data.

This is a useful tool for filling gaps in data due to low cadence, or visualizing

regions of the corona which are normally inaccessible. Additionally, the low

computing cost can be a useful tool for short-term solar weather forecasting.
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Chapter 4

Mapping flow trends in the low

solar corona via image

processing

4.1 Introduction

SDO/AIA has captured high resolution, continuous ultraviolet images of the

Sun since 2010. My adaption of the Time Normalized Optical Flow (TNOF)

image processing technique described in Morgan & Hutton (2018) is applied

to SDO/AIA EUV (17.7-30.5 nm) data to reveal fine-scale and faint plasma

motion which are tracked through optical flow methods, giving 2-D flow

maps. Many competing MHD simulations describe relatively “gentle” gas

and plasma transport aligned closely to magnetic field lines (Vekstein, G.,

2009), but observational evidence has been largely limited to only the most

powerful magnetic events due to the difficulty in visualizing an atmosphere

that is optically-thin against the bright, opaque photosphere (Parker, 1988).

The motions are faint and impossible to analyze without advanced processing

due to the dominance of the signal range by spatial gradients: these are

removed by the TNOF process that operates solely in the time domain.

The ubiquitous, continuous flows appear to be oriented in the low corona

103



104 CHAPTER 4. MAPPING FLOW TRENDS

(Morgan & Druckmüller, 2014; Morgan & Hutton, 2018). The Lucas &

Kanade (1981) optical flow algorithm is currently limited to regions near

disk center due to projection effects near the limb, and is also limited to the

higher-signal channels of SDO/AIA. To refine the method, synthetic solar

image data has been developed with a defined velocity field and serves as

the testing platform to isolate systematic biases from true flows. Here, we

present comparisons between the robustness of optical flow algorithms by

Lucas & Kanade (1981) and line-integral convolution by (Cabral & Leedom,

1993), and their ability to estimate the underlying velocity field.

A line-integral convolution initially proposed by Cabral & Leedom (1993)

is used to effectively visualize the consistency of flow paths. The refined

system for mapping flow trends is then applied to a sample SDO/AIA dataset,

with the aim of characterizing the faint moving disturbances that propagate,

persist, and appear to be the standard solar condition in the “quiet Sun”.

Additionally, the velocity field may reveal large-scale flow behavior associated

with coronal rotation and a statistical relationship between velocity relative

to the angle of the solar radial-observer vectors. We believe the flow fields

are closely tied to the underlying coronal magnetic field. Thus, efficiently

reducing SDO data with the aim of isolating fine-scaled motion will allow for

critical boundary conditions that will determine which models best explain

how the solar atmosphere functions.

4.2 Extending TNOF image processing

4.2.1 Adapting TNOF for use in high performance

computing platforms

SDO/AIA collects several wavelength channels of the full solar disk at a reso-

lution of ≈1 arcsecond at a cadence of 10 seconds (Lemen et al., 2011b).The

large amount of digital data from SDO/AIA is currently processed in the

TNOF method as an IDL coding package, which provides broad accessibil-

ity across consumer level hardware and yet is limited in processing speed.

Estimates from Dr. Huw Morgan’s group are that the creation of 1 hour of
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TNOF based flow mapping results requires roughly 24 hours of computing

time (Morgan, 2019). Limitations in processing speed may be inhibiting in-

sights into long term trends in fine-scaled motion throughout the solar cycle.

By adapting the TNOF method into high performance coding package,

image processing will be able to run in parallel on far more capable hardware

platforms, such as the Supercomputing Wales facility. Parallel computing

allows for simultaneous image processing at multiple scales and will open up

the opportunity to map optical flows across considerably longer timescales

and the full solar disk.

4.2.2 Identify systematic bias due to low corona

rotation

Prior TNOF image processing studies noted a consistent bias of optical ve-

locities at the sub-solar point that correlate with the same direction as the

solar rotation (Morgan & Hutton, 2018). A systematic bias aligned to lines

of longitude was not observed. Thus, the TNOF likely detected low corona

rotation in many wavelengths which is tied to the photosphere rotation rate

of 1.9 km/s near the equator. If this assumption is correct, the differential

rotation rate of the photosphere should apply to the low corona and be lower

near the poles.

My research also shows similar systematic bias difference between SDO/AIA

wavelengths, which may be indicative of altitude, but the reason remains

unclear at this time and variation is small. Motion characterization is per-

formed via the Lucas-Kanade (LK) method for optical flow analysis. While it

provides reliable feature tracking, the LK method suffers near the solar limb

and a time-normalization period must be arbitrarily chosen to display similar

magnitude flow patterns within the field of view. The aim must then be to

fix the LK method to a non-arbitrary quantity, such as a time-normalization

period that matches the low corona solar rotation rate as it moves one pixel.

With a consistent LK method applied throughout the solar disk, the system-

atic bias should only be the result of real variations in optical flow.
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4.2.3 Flow mapping across the full solar disk to

uncover optical velocity trends

Given that the low corona rotation rate is accounted for, the next step is to

monitor optical flow across the full disk for variations in trends near the sub-

solar point and near to the disk limb that are independent of any rotational

bias. By following a single section while it passes from limb to sub-solar to

limb, optical flow trends may display radially-oriented biases with respect

to the center of the 2D image plane that can be attributed to vertical flow

which grow in magnitude near the limb. Any such discoveries would provide

a 3D vector as a further constraint for MHD models of the low corona.

4.2.4 Synthetic testing

To reliably refine the optical flow tracking methodology, synthetic image data

is developed with a well-defined velocity field and will serve as the testing

platform to separate systematic biases from true flows. Once fully vetted, the

strength of the project lies in understanding the faint moving disturbances

that propagate and persist across the quiet Sun that is the standard solar

condition.

Success with TNOF and LK methodology appears promising and has

discovered ubiquitous and continuous propagating disturbances across the

solar disk (Morgan & Hutton, 2018; Morgan & Korsós, 2022). And yet, dis-

crepancies in optical velocities among different SDO/AIA channels may be

due to systemic scaling biases attributed to user-adjusted spatial and time-

smoothing parameters. Without independent verification, synthetic data

provides the best alternative for a controlled test environment.

Thus, synthetic image data is created by applying a sinusoidal basis func-

tion that randomly determines the underlying 2-D velocity field (Morgan &

Hutton, 2018):

S(x, y) = C +
N∑

kx=1

N∑
ky=1

Skxky (4.1)
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Figure 4.1: Examples of the effect of order, N, on the sinusoidal basis func-
tion. (N=2 table) Displays the four functions compiled within a single grid
point, and (N=3 table) the increased complexity of nine functions compiled
within the same point. (N=3 graph) Minor peak and trough sinusoidal com-
plexity graphed across the x-axis, and (N=10 graph) is the complexity of the
following velocity field.

where C is a constant number, and N is the number of order pairs within

the function. Figure 4.1 illustrates the complexity across a single axis of the

velocity field is defined by the N summed within a grid point:

The resulting 2-D velocity field is created in Figure 4.2 and may be ma-

nipulated globally or with discrete discrepancies. For display purposes, the

N=10 field is unadjusted:

This velocity field was generated with 360 x 181 grid points. Blue regions are

local troughs where flow will migrate towards. Red regions are local peaks

upon which flow will migrate away. Flow within this field is mapped in two

distinct methods, the first is via line-integral convolution (LIC) (Cabral &

Leedom, 1993).

Figure 4.3 shows how linear and curvilinear filtering is performed locally

along streamlines defined by the vector field to approximate flow speed mag-

nitude. The algorithm is computationally expensive and reversible, but yields

precise results for any particle motion within the field. This example LIC of

flow magnitude within the Figure 4.2 velocity field displays fiber-like stream-

lines that adhere to the grid with a high spatial resolution per grid point.

Velocity within the LIC image moves fastest within red regions where long,

straight lines are common. While velocity is slow in the blue regions where

local troughs trap flow as streamlines show vortex like motion as they settle

down and eventually stop moving.
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Figure 4.2: Velocity field generated in 360 x 181 grid points. Blue regions are
local troughs where flow will migrate towards, yellow regions have minimal
flow, red regions are local peaks upon which flow will migrate away.

Figure 4.3: Example LIC of flow magnitude within the Figure 4.2 velocity
field. Spatial resolution is set to 100 parts per grid point. Streamlines within
red regions indicate flow speed is fast and within blue regions indicates flow
speed is slow.
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Figure 4.4: (top) The orange hued animation is a direct interpolation of the
Figure 4.2 velocity field. 500 particles are tracked over 200 sequenced images.
All particles have an arbitrary initial intensity set to 250 and the background
initially is 0. Particles migrate towards local troughs and diffusion saturates
the region. Bright yellow is high intensity and dark red is low intensity.
(bottom) The grayscale animation of TNOF method applied to the preceding
set of images, with white set as high intensity, grey as low intensity, and black
as negative intensity. Static particles are removed and only active motion is
recorded. Time normalization set to 20 images, which crops 10 frames from
the start and end.
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The second method is via direct interpolation of the vector field as an-

imated1 in Figure 4.4. This yields reversible time-series positions for an

arbitrary number of particles. Each particle is set to a high intensity bright-

ness and diffuses as it moves, complicating the original field in a verifiable

manner. The greyscale image shows dark, or negative intensity values, this

is possible because part of the TNOF process is subtracting intensity from

the set of images that precede and follow it.

4.3 A study of faint flows during the SDO

and Solar Orbiter quadrature

The Solar Orbiter spacecraft travels on a highly eccentric and inclined or-

bit, whereas SDO stays confined to geosynchronous orbit around the Earth.

Occasionally, their configurations complement unique science inquiries and

these spacecraft reached near perpendicular positions, around 87° apart, to
the Sun on 29 March 2022. Both spacecraft carry an EUV camera operating

in a similar spectral range of 171 and 174 Å on SDO/AIA and Solar Orbiter’s

Extreme Ultraviolet Imager (SOLO/EUI), respectively.

We used this orbital configuration and instrumentation to examine the

utility of TNOF in regards to predicting magnetic field via short cadence

images tracking of plasma flow. Figure 4.5 shows a black grid of the Sun as

seen from the observational viewpoint of the SDO/AIA 171 camera at -6.7°,
74.2° in Carrington coordinates. On this date, the SOLO/EUI 174 camera

was at 0.9°, 161.5° in Carrington coordinates, toward the right of SDO/AIA’s

view and the red limb is the edge of SOLO/EUI’s field of view. This relative

positioning of the spacecraft is the optimal configuration to compare on-disk

structures in one spacecraft with off-limb structures in the other. The short

12 second cadence of SDO/AIA 171 is ideal for TNOF optical flow estimates

and so we processed 600 images from 12:00 to 14:00 UT using the method of

Morgan & Korsós (2022).

Figure 4.6 displays the image alignment pixel shift, as estimated by a

1Video available at https://youtu.be/pMBou7REomE

https://youtu.be/pMBou7REomE
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Figure 4.5: (Left) A schematic showing black grid of the Sun’s disk as seen
from the SDO viewpoint on 29 March 2022 12:00 UT. The red markings
are the West limb of the Sun as viewed from the Solar Orbiter viewpoint.
(Right) The near-quadrature positions of SDO/AIA and SOLO/EUI at the
same time.

Fourier correlation method developed by Fisher & Welsch (2007), to prepare

the image in advance before TNOF is applied. The x alignment pixel shift

is more uniform and reflects solar rotation. The y alignment pixel shift is

smaller in this direction, but the random nature of shifts makes it clear

that unpredictable spacecraft motions will generate dubious pixel motion

when running optical flow codes which were written to work with stable

points of view. The consequence of alignment pixel shifts over large temporal

datasets are that rotational drift will cause the Fourier correlation method

to continually shift pixels along SDO’s x axis and result in a thinner spatial

area where TNOF can be applied.

Figure 4.7 is the resulting TNOF-derived vector field from SDO/AIA 171

that traces the path of pixel motion over the entire 2 hour period. In this

image, flow lines are colored from a red starting point to a violet end point,

so fast motion is inferred along long flow lines and slower motion along short

flow lines. I consider these flow lines to be representative of the dynamic

motion within the quiet Sun’s coronal magnetic field and draw out magnetic

field structure (Morgan & Korsós, 2022). The prospect of mapping magnetic
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Figure 4.6: Plots showing the alignment fine-tuning of the time series of
SDO/AIA images over the two hours of observation. (Top) This is the hori-
zontal x alignment, and (bottom) plot of the y alignment. Black crosses are
the sub-pixel shifts compared to the master image, or the image closest to
the mid-point in time. The red line shows a median-smoothed value over a
window width of 3 time steps by which the images are aligned.
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Figure 4.7: The TNOF vector field as calculated from SDO/AIA 171 data
for a region surrounding disk center. The background image is an MGN-
processed SDO/AIA 171 image taken close to the mid-time of the two hour
observation period. The overlying coloured vectors show the TNOF-derived
field, with the colour showing the flow direction starting with red and pro-
gressing through yellow, green, blue, and finally violet. The red vertical line
is the west limb of Solar Orbiter’s near-quadrature point of view.
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Figure 4.8: (Left) SOLO/EUI 174 full disk image, processed by the MGN
method with Solar north at the top. The radial blue lines encompass the
position angle range defined by the latitudinal range of the SDO/AIA pro-
cessed region. (Middle) The west off-limb corona position angle range viewed
in a polar coordinate transform. The straightened edge of the limb is visible
at the extreme right of the image. (Right) TNOF-derived velocity field laid
atop an SDO/AIA subsolar field of view image from its near-quadrature po-
sition. The red line denotes the western limb from the SOLO/EUI field of
view.

structure with EUV images is promising based on the vector field produced

here, which looks qualitatively like coronal loops. Near to -0.05, -0.15, in

Figure 4.7’s arbitrary units, there is a large outward flow line feature that

draw streamlines in all directions away and is position just beyond the visible

limb of SOLO/EUI (marked as a vertical red line).

On 29 March 2022 12:00 UT, the SOLO/EUI 174 camera captured full

disk images of the Sun from 0.32 AU in a quadrature configuration with

SDO/AIA. The left image in Figure 4.8 shows that there are distinct magnetic

loop structures seen off limb, constrained between ≈34°N and ≈45 ° latitudes
as illustrated by the blue lines. The two large loop structures, roughly at
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the 8 and 10 o’clock positions, between these latitudes are projected via a

cut out displayed in the middle of Figure 4.8. Here we see the two large

loop structures straightened to match the orientation seen from SDO/AIA

171 in Figure 4.7. The right image in Figure 4.8 aligns the TNOF-derived

vector field from SDO/AIA to the same vertical position angles as the MGN

enhanced image from SOLO/EUI in the middle of the same figure.

Despite near-quadrature viewpoints of the corona, there are similarities in

the two pieces of data in Figure 4.8. The most striking recognizable feature in

both images is the long field lines in the SOLO/EUI oriented around latitude

-15° to -20°on the bottom half of the image. On the TNOF vector field, at

the same latitudes just to the left of the SOLO/EUI viewpoint limb (vertical

red line), there is a bright red and yellow set of streamlines that seem to

radially extend away with a slight bias towards the left. This vector field

is positioned just beyond the SOLO/EUI limb and appears to qualitatively

correlate with the MGN enhanced image in the same figure, because the long

magnetic field lines appear just over the limb.

The upper half of Figure 4.8 also shows a similarity between the vec-

tor field and MGN enhanced image. There is no large dominant structure

here, instead there is a large amount of loop complexity off of SOLO/EUI’s

viewpoint limb. The MGN enhanced image also correlates qualitatively with

a more complex array of loops as well as the loop footprints intersecting

the near side of the limb. There are many finer loop details which can be

identified in both images, which suggests that the plasma motion mapped

by TNOF may eventually be developed as a proxy for the coronal magnetic

field.

The lower half region of Figure 4.8 is shown in Figure 4.9 as HMI/SDO

images with TNOF-derived vector fields and potential field model gained us-

ing a Green’s function approach (Hoeksema et al., 1983; Sadykov & Zimovets,

2014) for comparison. The potential field model uses HMI/SDO line of sight

data as a lower boundary, and the higher boundary is set to 0.2 R⊙ above

he photosphere. There are some features which are present in both types of

data. The shape of the magnetic field loop footprints from TNOF are present

in the potential field model, as both have similar diagonal shapes and sizes.
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Figure 4.9: (Left) TNOF-derived velocity field overlaid on the photospheric
line-of-sight magnetic field observed by HMI/SDO. (Right) Field lines from
a potential field extrapolation overlaid on the same HMI/SDO magnetogram
region of the Sun..
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Additionally, the upper right portion of the TNOF-derived image in Figure

4.8 doesn’t show any clear magnetic field structure and the potential field

model in Figure 4.9shows no distinguishable feature here either.

4.4 Summary

What we have observed in this short case study is that TNOF succeeds at

qualitatively drawing magnetic field lines that are in general agreement with

potential field models. Pursuing this type of approach may eventually yield

a significantly better understanding of the true 3D structure of the coronal

magnetic field and additionally allow for a proxy measurement that could

assist in space weather operations.

TNOF monitoring of solar activity is a novel approach that has thus far

only covered a minuscule portion of the available SDO/AIA and SOLO/EUI

data. The recent identification of narrow corridor flow paths and coronal

propagating disturbances have placed the first observed constraints of this

kind on fine-scale magnetic field modeling (Moortel, 2009; Morgan & Korsós,

2022). Improved efficiency in processing speed will yield more abundant and

tighter constraints, and likely identify new phenomena throughout the 11-

year solar cycle.

The TNOF method is new, with many results published less than a few

years ago. Going forward, calibrations that accommodate solar rotation bi-

ases will be critical as results are adopted into the larger field of coronal

research. The accurate automation of flow line mapping and coronal prop-

agating disturbance amplitude is a large step forward in solar research that

opens up the possibility for links between the photosphere, chromosphere,

transition region, and corona that were not possible with manual mapping.

Further, the isolation of observed flow biases or vertical velocities are

diagnostics that do not exist in the field of solar research at the moment. It

is difficult to foresee the exact degree of impact beyond directly related MHD

modeling, but implications may extend into the realms of space weather,

CME prediction, or effects on Earth’s atmosphere
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Chapter 5

Conclusions and future research

5.1 Conclusion

During my 1st year, I was presented with the opportunity to gather and ana-

lyze high-resolution spectral data from the 2 July 2019 and 14 December 2020

total solar eclipses in Argentina. Visible wavelength spectroscopy is rare, as

most solar atmospheric research data comes from ultraviolet spectrum. Thus,

the objective of the observation was to gather narrow-band coronal emission

spectra for 530.3 nm, 637.4 nm, 789.2 nm, which correspond to the peak

emission wavelengths of ionized Fe XIV, Fe X, Fe XI, respectively, and a

white-light context image simultaneously. Our results show several interest-

ing features of the helmet streamer including (i) different rates of intensity

decrease with increasing distance between the cooler and hotter lines, (ii)

different line widths between the cooler and hotter lines, and (iii) different

profiles of Doppler shift between all channels.

During my 2nd year, the COVID-19 pandemic occurred, but we still

managed to make several improvements to the spectrometer function and

get critical data. Our results show several interesting features of the corona

including: (i) That the CME side of the corona was at least an order of mag-

nitude brighter than the opposite side of the corona, even when accounting

for differing radial distances. The local energy release from the solar flare

and CME just 2 hours earlier likely resulted in a lopsided brightness distri-

119
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bution. (ii) High line of sight Doppler shift velocities of 35 to 50 kms−1 were

measured at the part of the solar limb nearest to the CME footprint, but only

in Fe XI and XIV wavelengths. Solid body rotation appears to be the most

common velocity measurements through the majority of the corona. (iii) Fe

X and XI were typically measured with a thermal broadening of 6 MK across

the CME side of the corona, while Fe XIV reached a peak temperature of

≈15 MK near the CME footprint and was about 3 MK all further distances

compared to the solar equatorial region of the corona. (iv) Multi-scale Gaus-

sian Normalization is an effective tool for isolating diffuse features such as

the early expansion of a CME. The CME footprint was determined to be

located at -29°, -50° in Stonyhurst heliographic coordinates, nearly 8° away
from the preceding solar flare. (v) Geometric modeling of CMEs, constrained

with parameters from empirical data, can produce images remarkably similar

to spacecraft data. This is a useful tool for filling gaps in data due to low

cadence, or visualizing regions of the corona which are normally inaccessible.

Additionally, the low computing cost can be a useful tool for short-term solar

weather forecasting.

My original research aim when beginning my PhD research was to de-

velop TNOF into a useful tool aimed at getting hitherto unavailable data,

such as describing the faint signatures of the magnetic field, which have

proven to be difficult to estimate from coronal data. Although, the qualita-

tive visualization of similar magnetic features from different points of view is

a promising development. This method is currently being adapted to func-

tion on SOLO/EUI data off limb, which has the added difficulty of dynamic

gain adjustments, but is capable of tracking coronal events very far above

the solar disk.

Throughout my time at Aberystwyth University, I’ve developed many

skills from hands on instrumentation, to software development, to public

outreach. I appreciate everything I’ve learned here and I aim to continue

taking part in scientific research. With some luck, I will be able to push

these projects further and soon take on a leading role while doing so.
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5.2 Future research plans

5.2.1 Future aims

As suggested in Chapter 4, TNOF is a powerful tool for isolating faint, small-

scale moving disturbances across a time series of 2-D images and I intend to

continue development of the testing platform and preparation for supercom-

puting large datasets with the goal of describing the general plasma flow

within the quiet Sun.

TNOF future research

The TNOF image processing method will improve by evolving the test-

ing platform to add solar-like small-scale features & resolution similar to

SDO/AIA or SOLO/EUI. Implementation and refinement of the LK and

LIC plasma flow mapping methods are critical to gain true insight into opti-

cal flow tracking quality against other techniques. Currently, the computing

cost for these methods is high and optimizing efficiency, or using a supercom-

puting platform, to process larger datasets will be necessary to make progress

toward space weather forecasting.

Analyzing SDO/AIA and SOLO/EUI dataset samples of temporal map-

ping throughout a full solar cycle and continuing to compare them at different

point of view angles will help identify systemic biases in both instruments.

Additionally, histograms and other statistical methods will be used to identify

variations in the differential rotation rate, quiet Sun rotation rates around

active regions and coronal holes, biases toward radial plasma motion, slow

meridional flow trends, precursor velocities before normal and stealth CMEs,

global effects post-solar flares, and constraints on mass flow & diffusion in

well-defined coronal loops. Overall, there are many characteristics of solar

features that can be learned from time normalization methods.

The pre-processing of images with improved MGN image processing be-

fore applying TNOF1 is now being explored to extract more fine-scale move-

1https://youtu.be/R9X1GHp6ak0 : last accessed 30-Sep-2022

https://youtu.be/R9X1GHp6ak0
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ment. Related early progress includes implementing stabilization procedures

in SOLO/EUI 2 to stabilize the shakiness inherent to all Solar Orbiter in-

struments.

Given the relative lack of study in the quiet Sun, compared to active

regions, this image processing path of research is considered exploratory and

aims to find new, unpredicted phenomena as well.

5.2.2 Spectroscopic future research

Future use of the spectrometer may include observations of Mercury’s sodium

tail, Io’s plasma torus, coma evolution of giant comet UN271, potential sun-

grazing comets, and future solar eclipses. Optimistically, Dr. Morgan and

myself will author a proposal for the next solar eclipse on 8 April 2024 in

North America with significant instrumentation enhancements.

Totality during solar eclipses provides an excellent opportunity to observe

the low corona in great detail. They also offer an ideal testing ground to

develop future instruments & technologies and these observations have led

to a legacy of discovery. Unfortunately, the rare alignment of total solar

eclipses means observation windows are, at best, only a few minutes in any

given year at random locations across the globe.

Thus, I will present a research plan suited to the expertise & capabili-

ties available at Aberystwyth University or a future institution. It is aimed

at scaling with available budget constraints, as a low-cost, lightweight, ro-

bust device capable of deployment in any environment from sea level to the

stratosphere for the purpose of coronal observations. My prior experience

with instrument development, field observations, and data handling will lend

well to the success of this research path.

Current design Aberystwyth University’s 3-channel high-resolution spec-

trometer, see Figure 2.1, was utilized during the 2019 & 2020 total solar

eclipse and targeted Fe ions XIV, X, and XI. These ions represent equilib-

rium plasma temperatures of 0.9, 1.3, and 1.9 MK, respectively. The success

2https://youtu.be/1emt0-blMy0 : last accessed 30-Sep-2022

https://youtu.be/1emt0-blMy0
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of this high-resolution spectrometer’s optical specifications, see Table 2.1,

showed that cost-effective, portable spectrometer measurements of the low

corona within the visible light spectrum are attainable, and could be ex-

panded to a far more refined design.

While the individual ionization sequences of Fe ions do provide detailed

information about those specific plasma particles in the low corona, two key

pieces of contextual information of the corona are severely lacking: coronal

magnetic field strength and bulk coronal temperature.

4th near infrared channel On-disk measurements of the photospheric

magnetic field are now routinely carried out via spacecraft remote sensing

instruments and in-situ at planetary distances. Additionally, Faraday ro-

tation of linearly polarized radio signals from background star sources can

result in coronal magnetic field measurements, but is limited by observation

opportunities. Thus, a multitude of models have been developed to extrapo-

late the gradient of the magnetic field strength and fit these two data points.

Worryingly, results from these methods vary depending on model assump-

tions and we are left with the issue of explaining manifestations of the coronal

magnetic field within the solar atmosphere without direct measurements in

their source region in the low corona.

To obtain coronal magnetic field direct measurements, a 4th spectropo-

larimeter channel can be integrated into the spectrometer design to target

near infrared light at 1078 ±7 nm that will measure 3 spectral signatures:

Fe XIII at 1074 nm, Fe XIII at 1079 nm, and He I at 1083 nm. Fe XIII has

an equilibrium temperature of 1.6 MK, and will complement the other three

Fe ion channels as an additional coronal temperature proxy between 1.3 and

1.9 MK. More importantly, Fe XIII electronic transitions for 3P1 −3 P0 emis-

sions at 1074 nm have been measured previously and found to be sensitive

to the coronal magnetic field with polarization readily apparent in previous

experiments, like CoMP Plowman (2014) and others (Habbal et al., 2011;

Judge et al., 2001; Singh et al., 2004). The Fe XIII electronic transition for
3P2 −3 P1 emissions at 1079 nm is relatively unexplored as it exhibits less

sensitivity to the magnetic field, but is far more collisionally sensitive (French
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Figure 5.1: Theoretical density curve for Fe XIII 1074.7 to 1079.8 nm inten-
sity ratio from French et al. (2019). The dashed lines mark the measured
ratio at 0.58 solar radii above the limb.

et al., 2019). The nature of each electronic transition’s primary sensitivity

allows for electron density inferences to be made via the ratio of 1074 to 1079

nm abundance & polarization as shown in Figure 5.1. An additional spec-

tropolarization target is the He I metastable electronic transition 1s2s3S at

1083 nm, which is not sensitive to polarization although its presence can be

a measure of coronal dust abundance, production/stability of He I, and colli-

sions within the low corona (Moise et al., 2010). A measurement of Doppler

shifts of a neutral atom, albeit in an excited state, provides a secondary in-

ference of plasma density to examine insights and expectations of the value

that 1079 nm will have in future observations.

The additional components needed are a 4th echelle grating, secondary

slit-mirror to direct light to a polarizing filter wheel, and a thermoelectrically

cooled InGaAs detector (or liquid nitrogen cooled HgCdTe detector). The

resulting spectropolarized data products will be calibrated and provide a

variety of measurements for information on Stokes I Q U V profiles (Paraschiv

& Judge, 2022), Zeeman effect, Hanle effect (Štěpán & Bueno, 2016), Doppler

shifts, as well as typical spectral diagnostics already present in the original

device. The primary result is a 1-5 Gauss measurement sensitivity, dependent

on bin size, which is ideal for estimates of the coronal magnetic field strength
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Figure 5.2: K-coronal model spectrum for a line of sight at 1.1 R⊙ from
Sun center and coronal electron temperatures in a static coronal plasma.
(Reginald et al., 2011)

(Lin et al., 2000, 2004).

Hyperspectral imaging context camera Coronal plasma temperature

is commonly estimated via a DEM or an Emission measure distribution

(EMD) with on-disk and slightly off-limb EUV measurements from a va-

riety of spacecraft. A wide variety of these inversion models provide good

temperature results in the well-constrained range from 0.4 to 2.5 MK, but

become less reliable at higher temperatures (Testa et al., 2012). Ambient

coronal temperatures during a typical solar cycle are typically 1 to 3 MK, al-

beit with a somewhat unknown heating mechanism. Yet, dynamic, temporal

events such as active regions, solar flares, and CMEs regularly exceed these

temperatures.

Thus, an alternative method of coronal plasma temperature can be uti-

lized via a hyperspectral imaging camera that replaces the white light im-

ager in the basic total eclipse spectrometer. Hyperspectral imaging creates

medium-resolution broadband spectrum for each pixel with rapid scans. Of

key importance is the temperature dependence of the intensity in Fraunhofer

lines known as calcium K and H, at 393 and 397 nm, respectively. Due to
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Thomson scattering, a portion of photospheric light is scattered off coronal

electrons in all directions. The unique feature of this scattered spectrum in

Figure 5.2 is the smoothness compared to the original photospheric spectrum

(Reginald et al., 2011). With increasing electron temperature, distributed

electron motion as well as abundance, Thomson scattered light smooths out

spectral features of calcium K and H, and provides another diagnostic for

plasma temperature independent of DEM & EMDs. A hyperspectral imager

provides a good constraint for optimizing these inversion methods up through

3 MK (Reginald et al., 2017) and also include the added benefit of an ideal

method for balancing Fe ion intensity in the other channels.

The major advantage is the measurement of a full range of spectral fea-

tures from the near ultraviolet through near infrared to find new ion interac-

tions that have yet to be examined in detail. In addition to coronal ions, new

sungrazing comets are a common discovery during total solar eclipses and are

rarely spectrally examined (Pasachoff, 2019). Dynamically new sungrazing

comets are exceptionally rare (Preston, 1967; Ivanova et al., 2018), pristine

components of the original solar nebula and are have only been spectrally

examined once for non-volatile, heavy elements, such as Na, K, Ca, Cr, Mn,

Fe, Ni, Cu, etc (Slaughter, 1969). The ratios of solar nebula components are

of immense importance to both solar and planetary evolution models, but

almost entirely unexplored as the observation is exceptionally difficult due

to proximity to the solar disk.

Stratospheric balloon campaign A legacy of astronomical and solar bal-

loon missions, such as HIREGS (Crannell et al., 1991), BARREL (Millan,

2011), and Sunrise (Barthol et al., 2010), has shown that achieving an al-

titude above 30 km reduces atmospheric visible light scattering, ultraviolet

opacity, and infrared opacity by well over 90% and can potentially remain

afloat and in sunlight from hours to weeks. The predictability of stratospheric

wind patterns means that planning and launching a balloon campaign, the

efficiency of all instruments can be greatly enhanced with shorter exposure

times and larger spatial coverage of the corona during an eclipse. The com-

pact design of my device lends well for stabilizing components and surviv-
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Figure 5.3: A diagram of the rotating spectropolarimeter field of view during
totality is shown overlaid by a grey box representing the coronagraph occulted
portion of the image, and a blue box representing the spectral image exposed
to the sky. The dashed red line is the spectral slit.

ability when landing, which means reusability and adjustments are possible

between observations unlike space-borne satellites.

5.2.3 Novel spectropolarimeter & coronagraph

assembly

Rotating spectropolarimeter mechanism The observation window of

total solar eclipses severely limits data gathering overall, but also affects the

implementation of optical adjustments, adaptive optics implementation, and

other innovative advancements that have yet to be refined. To reduce the

cadence between observations from years to weeks and increase observation

periods from minutes to weeks, I would like to design a low-cost, balloon-

borne campaign with a new approach to coronal observations.

As mentioned previously, a spectropolarimeter is needed for measuring

the coronal magnetic field via ions around 1078 nm, but the overall optics,

spatial coverage, polarization of the other spectral channels can be simplified

via two rotating assemblies. The polarizing filter can be moved from the 4th

channel to the front of the optical setup to make all 4 channels spectropo-

larized as is a common approach to the method. Although, the entire device

should be assembled within a rotating tube and the scanning slit oriented

nearly tangential to the solar disk. Figure 5.3 displays the advantages of

this approach are that full coverage is possible by rotating around the corona

without data gaps, and also each spatial area of the corona is measured twice

in a single rotation.
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Figure 5.4: (Left) A three-disk occulter diagram with observation point where
reduced Fresnel scatter occurs fromWang et al. (2021) (Right) Fresnel diffrac-
tion patterns, from Aime (2020), for a large occulting disk labeled ”A”, a
small occulting disk labeled ”B”, and the combined pattern when used in
sequence together.

Fresnel diffraction reducing coronagraph The choice of a rotational

tube designed spectropolarimeter is tied directly to a simplified coronagraph

approach that aims to reduce stray light scattering from the bright solar

disk. The main contribution to stray light for an occulter is Fresnel diffracted

light by the sharp edge of the occulter and scattering by the optics. Fresnel

diffraction is often complicated by non-uniform nanoscale edge imperfections

and the resulting diffraction pattern of a round coronagraph by a non-point

source like the Sun (Landini et al., 2016, 2017) is not ideal for the straight

spectrometer slit without extra calibration steps.

Thus, an optimized occulting baffle, similar to Figure 5.4 (left), extend-

ing in front of the spectrometer that reduces Fresnel diffraction in Figure

5.4 (right) via multiple layers of occulters (Wang et al., 2021; Aime, 2020)

is simpler to manufacture & orient than disks and adjustments can be made

in-flight with a single actuator. Additionally, a Fresnel biprism component

will be included in the optical array, similar to Figure 5.5 (left), to create a

linear interference pattern that is parallel to the entrance slit as shown in Fig-

ure 5.5 (right) (Doblas et al., 2013). In-flight adjustments are exceptionally

important in balloon-borne experiments due to varying thermal expansion
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Figure 5.5: (Left) Optical schematic of a Fresnel biprism to produce resonant
patterns. (Right) Resulting interference pattern at two distances from the
Fresnel biprism. (Doblas et al., 2013)

and, by moving the stray light interference pattern minimum to overlap the

entrance slit, an optimized balloon-born coronagraph & spectropolarimeter

can achieve great results even before implementing speckle calibrations or

other adaptive optics techniques.
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This concludes my doctoral thesis, thank you for reading!

-Gabe.
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